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Abstract

The formation of the first stars—Population III (Pop. III) marks a fundamental transition
in cosmic history, transforming the Universe from a dark, metal-free environment into
one shaped by radiation, feedback, and chemical enrichment. These primordial stars,
formed out of pristine gas in mini-halos, are thought to have played a vital role in initi-
ating reionization and enriching the intergalactic medium with the first heavy elements.
However, due to their transient nature and high redshift, direct observations of Pop. III
stars remain elusive.

This thesis presents a comprehensive investigation into the formation, evolution, and
observability of Pop. III stars through a combination of semi-analytical modeling and
cosmological simulations. In this thesis I extend the meraxes semi-analytical framework
to incorporate Pop. III star formation by modeling molecular hydrogen cooling, Lyman-
Werner feedback, streaming velocities, and both internal and external metal enrichment.
In particular, I implement a physically motivated model for the spatial propagation of
metals into the intergalactic medium and its effects on subsequent star formation, en-
abling us to track the Pop. III to Pop. II transition self-consistently.

With this updated version of meraxes, I explore how Pop. III stars influence the UV
luminosity function of high-redshift galaxies. After exploring a wide parameter space,
I demonstrate that Pop. III-dominated galaxies may be observable by the James Webb
Space Telescope under optimistic assumptions about the Pop. III initial mass function
and star formation efficiency. I also show that accurate treatment of metal enrichment,
particularly external pollution from nearby halos, has a strong impact on the duration
and prevalence of Pop. III star formation during the Epoch of Reionization.

Then, I investigate the large-scale consequences of Pop. III stars on the 21cm global
signal and power spectrum during the Cosmic Dawn and Epoch of Reionization. Based
on the new version of meraxes, I develop a novel method to bridge the gap between
small-volume, high-resolution simulations and large cosmological boxes by calibrating
star formation scaling relations and applying them to extended volumes. I show that
variations in Pop. III star formation parameters, primarily in the initial mass function and
X-ray heating, significantly affect the timing and amplitude of 21cm fluctuations. These
differences, especially at z ≲ 10, will be likely detectable with future deep observations
by the Square Kilometre Array.
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By combining physically motivated modeling with state-of-the-art simulations, this
thesis sheds light on the role of Pop. III stars in early galaxy formation and their potential
observational signatures. The results underscore the promise of current and upcoming
facilities such as JWST and SKA in probing the Universe’s first luminous sources and ad-
vancing our understanding of the earliest stages of cosmic history and galaxy formation.
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Preface
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CHAPTER 1

A brief history of the Universe

Camina, guerrero camina

Por el sendero del dolor, Y la alegría

Caparezza - Sendero (2021)

1.1. “Let there be light,” and there was light.

Over the past few decades, our understanding of the early Universe has significantly

advanced, largely due to detailed studies of the Cosmic Microwave Background (CMB),

such as those conducted by the Planckmission (Planck Collaboration et al. 2016, 2020). In

addition, numerous surveys across a wide range of wavelengths have provided valuable

insights into the formation and characteristics of local cosmic structures. Despite these

achievements, a key chapter in the Universe’s history remains unclear: how did the first

luminous objects emerge, andwhat role did they play in shaping the large-scale structure

of the cosmos?

During its first hundred million years, between the last scattering surface of the CMB

and formation of first stars, the Universe was a cold and dark place (i.e. "The Dark

Ages"). Then, the first stars lighted on. The so-called Population (Pop.) III stars are the
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first luminous sources in the Universe. These stars born out of metal-free cloud (the Big

Bang nucleosynthesis produced only H and He along with few traces of Li) and provided

the firstmetals (all elements heavier than He) for the second-generation of stars (i.e. Pop.

II stars). Despite their key importance, we know very little about these elusive objects

as no observation of a metal-free star has been confirmed.

In the last decade, thanks to the availability of powerful computing clusters and the

development of advanced numerical technique, we started to detail modeling the first

episodes of star formation including a number of physical effects such as molecular gas

cooling, radiative feedback, magnetic fields and primordial streaming velocities. Any

realistic model of Pop. III star formation needs to take into account all of these processes

since the formation of the first stars is no simpler than present day stellar birth. The

arrival of cutting-edge observatories like the "James Webb Space Telescope" (JWST), the

Hydrogen Epoch of Reionization Array (HERA) and Euclid, together with the future

generation "Extremely Large Telescope" (ELT), and the Square Kilometer Array (SKA)

we are now looking through the keyhole of the Universe in its first few hundreds million

years revising our views on early galaxy formation and hoping to finally witness the

onset of the first stars.

In this chapter, I first introduce (section 1.2) the relevant concepts of the ΛCDM con-

cordance model of cosmology, and then, in section 1.3, I summarise how the first struc-

tures formed in the Universe including both dark matter halos and the first baryons. In

section 1.4 I provide a review of the Epoch of Reionization, a key event in the Universe’s

evolution happened in its first billion years. Finally, in the last two sections I summarise

how our knowledge of the Early Universe has significantly improved in the last few years

thanks to the advanced numerical simulations (1.5) and to the cutting-edge observations

of JWST (1.6). Within section 1.5 there is also a subsection entirely devoted to the semi-

analytical model meraxes (see 1.5.3) which has been co-developed and extensively used

by the author for the research topics discussed in this thesis. This first chapter closely

follows Peebles (1980); Barkana & Loeb (2001); Mo et al. (2010). The interested reader is

urged to consult these for a historical and comprehensive overview.
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1.1.1. A few useful quantities

Before diving into the introduction, I will define here a few useful quantities that are

often referred to in this thesis.

• Proper and comoving coordinates:

Due to the expansion of the Universe, the distance between any two points in

space will increase with cosmic time. If one measures the coordinates using a

fixed reference system, these coordinates will change with cosmic time and these

are referred as proper coordinates (r). On the other hand, if one measures the coor-

dinates with a systemwhose grid lines also expand with that of the Universe, then,

in the absence of peculiar motion, the coordinates will remain fixed in time. These

coordinates are defined as comoving coordinates (x) and are the ones in which an

observer moves along the Hubble expansion. The relation between the two is

r(t) = a(t)x where a(t) is the scale factor of the Universe. At the present day the

scale factor is a(t0) = 1 such that comoving and proper coordinates are equivalent.

• Cosmological redshift z:

Cosmological redshift refers to the shift towards longer wavelengths of any spec-

tral line due to the expansion of the Universe. The cosmological redshift is given by

z = λ−λ0
λ0

with λ0 and λ the rest-frame and the observed wavelength respectively.

The cosmological redshift is related to the scale factor through a(t) = (1 + z)−1.

1.2. The ΛCDM model

The standard cosmological model (ΛCDM) describes the Universe as homogeneous,

isotropic, and expanding, with its energy content dominated by dark energy — driving

the accelerated expansion — and most of its matter existing as Cold Dark Matter (CDM).

This spacetime is described by Robertson-Walker metric (Robertson 1935; Walker 1937),

usually written using comoving spherical coordinates (R, Θ, Φ):

ds2 = dt2 − a2(t)
[
dR2

1− kR2 +R2(dΘ2 + sin2ΘdΦ2)
]
. (1.1)
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The value of the constant k relates to the global curvature of the Universe: it is negative

for an open Universe, positive for a closed Universe, and zero for a flat Universe. From

the scale factor a(t), it is useful to define the rate of expansion of the Universe using the

Hubble parameter H(t) =
˙a(t)
a(t) . By solving the Einstein Field Equations of General Rela-

tivity using the Robertson-Field metric in Eq. 1.1, the Friedmann equation is obtained:

H2(t) =
8πG

3
ρ − k

a2 . (1.2)

This relation, together with the equation of energy conservation:

d(ρR3) = −pd(R3) (1.3)

relates the expansion of the Universe to its energy-matter content via the total energy

density (ρ) and pressure (p). An useful quantity often used in cosmology is the critical

density ρc defined by taking k = 0 in Eq. 1.2:

ρc =
3H2(t)
8πG

. (1.4)

It is now possible to rewrite Eq. 1.2 using the ratio of the density of each source - matter

(m), radiation (r), dark energy or cosmological constant (Λ) and curvature (k) - with

respect to the critical density (Ωi=[m,r,Λ,k] = ρi
ρc
):

H(t) =H0

[
Ωr

a4 +
Ωm

a3 +
Ωk

a2 +ΩΛ

]1/2

(1.5)

where the subscript ’0’ refers to the values of these parameters in the present day (H0

is usually referred to as Hubble constant).∗ At the present day, the main contributions

to the energy density come from the cosmological constant (ΩΛ ≃ 0.75) and matter

(Ωm ≃ 0.25). Eq. 1.5 is often written accounting only for these two contributions and

as a function of redshift instead of time using a(t) = (1 + z)−1. Hence, throughout this
∗The Hubble’s constant is often expressed in literature and sometimes in this thesis as H0 = 100h km

s−1 Mpc−1.
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thesis the following expression will be used:

H(z) =H0[ΩΛ +Ωm(1 + z)3]1/2. (1.6)

1.3. Structure formation

TheΛCDM model provides the initial conditions necessary for cosmic structure forma-

tion. In the framework of the Hot Big Bang, the early Universe was extremely hot and

dominated by radiation. As it expanded and cooled adiabatically, matter began to domi-

nate the energy density around redshift z ∼ 104. During this radiation-to-matter transi-

tion, temperatures were still high enough to keep the primordial gas ionized. However,

by z ∼ 1100, the temperature had fallen below 3300,K, enabling hydrogen recombi-

nation (e.g. Eisenstein et al., 2005). Once protons and electrons combined into neutral

hydrogen, photons decoupled from matter and began to travel freely—forming the cos-

mic microwave background (CMB), the oldest observable light in the Universe.

While the present-day Universe displays a complex, hierarchical network of galaxies

and clusters, CMB observations reveal that the Universe at recombination was remark-

ably uniform, with only tiny density fluctuations on the order of 10−5 (e.g. Planck Col-

laboration et al., 2016). These small perturbations grew over time through gravitational

instability: initially in the linear regime, as overdense regions attracted surrounding

matter, and later evolving into non-linear structures that ultimately formed galaxies and

galaxy clusters (Peebles, 1980).

1.3.1. Linear growth

Let us consider a flat universe with uniform matter density ρ̄ and, on top of this, some

small perturbations with fractional amplitude |δ| << 1 where δ = ρ
ρ̄−1 as set by the CMB

observations. Under these approximations, the evolution of such perturbations can be

described using the linear perturbative approach. Treating the matter density field as an

ideal fluid, its behaviour follows a set of four equations known as:

5



1. Continuity equation (or mass conservation)

∂ρ

∂t

∣∣∣∣∣
r̄

+ ∇̄r̄(ρv̄) = 0 (1.7)

2. Euler equation (or momentum conservation)

∂v̄
∂t

∣∣∣∣∣
r̄

+ (v̄ · ∇̄r̄)v̄ +
1
ρ
∇̄r̄P + ∇̄r̄Φ = 0 (1.8)

3. Poisson equation

∇2
r̄Φ = 4πGρ (1.9)

4. Equation of State (EOS)

P = P (ρ) (1.10)

where P is pressure, Φ is the gravitational potential and all the quantities are written

in proper coordinates. In a cosmological context these equations can be rewritten in

comoving coordinates (Gamow & Teller 1939) such that v̄ = ˙̄r =Hr̄ + ū where ū = a ˙̄x is

the peculiar velocity due to the proper motion of the fluid. With the linear perturbative

approach, the above equations in comoving coordinates can be rewritten using the per-

turbed quantities, then linearized and finally solved in the Fourier space. The evolution

of the density perturbations is hence written as:

∂2δk
∂t2

+ 2H
∂δk
∂t

+ (k2v2
s − 4πGρ̄)δk = 0 (1.11)

where k is the wave number and v2
s = c2

s /a
2 with cs the adiabatic speed of sound. Note

that this is essentially the same result found in the Jeans theory (Jeans 1902) who first de-

scribed the evolution of spherical overdensities at various scales within a uniform fluid.

Such an evolution is the determined by the competing effects of free streaming (given

by the term k2v2
s δk) which damps the perturbations and the gravitational instability

(−4πGρ̄) which makes the perturbations grow. In a cosmological context there is the

additional term 2H ∂δk
∂t due to the expansion of the Universe. In a matter dominated Uni-

verse, any given perturbation δk with k << kJ (kJ ≡
√

4πGρ̄
vs

i.e. the Jeans wave number)
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grows in time (or redshift) following the growth factor D(z)† and maintaining its shape

(in comoving coordinates).

Once the time evolution of the individual Fourier modes δk is known, the evolution

of the density field can be computed knowing that the density field is a superposition of

a complete set of periodic Fourier modes, each evolving independently. This arises from

the fact that, according to modern cosmology, the initial perturbations are generated by

inflation (a period of rapid accelerated expansion of the very Early Universe) and are

distributed according to a Gaussian random field (Kolb & Turner 1990) such that

δk̄ =
∫
d3xδ(x̄)eik̄·x̄. (1.12)

Like any other random field, the density field can be described using the Power Spec-

trum P (k) defined from the two point correlation function. Standard models of inflation

predict a primordial matter power spectrum Ppri(k) ∝ kns with ns ≃ 1‡ (Harrison 1970;

Zeldovich 1972). Hence, while in linear regime, P (k,z) ∝ Ppri(k)D(z). From this picture

it arises the so-called bottom-up or hierarchical scenario of structure formation (i.e. the

size of the collapsed structures being formed out of gravitational collapse gets bigger

with time).

Finally, to determine the size (or mass) of a collapsed object, the variance σ2 of the

density field smoothed with a spherical top-hat filter is computed. This is given by:

σ2(M) = σ2(R) =
∫ ∞

0

dk

2π2k
2P (k)

[
3j1(kR)
kR

]2

(1.13)

where j1 is the first order Bessel function and the above integral is normalised to the

value of σ8 = σ (R = 8h−1 Mpc) inferred from observations (Planck Collaboration et al.

2020).
†This is obtained as one of the two indipendent solutions of Eq. 1.11. For a detailed derivation of these

solutions we refer the reader to Peebles (1980).
‡Measurements from Planck Collaboration et al. (2020) found it to be indeed very close to 1 (0.96).
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1.3.2. Non-linear regime and dark matter halos

When the overdensities grow and δ approaches 1, the linear approximation breaks and

the individual k modes cease to be independent. At this point, the growth of the first

structures cannot be followed analytically§ and dark matter N-body simulations are es-

sential. These are particularly crucial to follow the formation of the dark matter halos:

the first building blocks of galaxies.

A dark matter halo is a stable, self-gravitating structure of gravitationally bounded

dark matter particles. This is achieved with a violent dynamical relaxation process

denoted as virialization. A dark matter halo is characterised by its virial properties

like its virial radius (rvir), circular velocity (Vvir) and temperature (Tvir) all linked to

the virial mass (Mvir) and to the final overdensity relative to the critical density (∆c =

18π2 + 82[Ωm(z) − 1] − 39[Ωm(z) − 1], Bryan & Norman 1998) as follows (Barkana &

Loeb 2001):

rvir = 0.784
[

Ωm∆c

Ωm(z)18π2

]−1/3(
Mvir

108h−1M⊙

)1/3(1 + z
10

)−1

h−2/3 kpc

Vvir =
(
GM
rvir

)1/2

= 23.4
(

Mvir

108h−1M⊙

)1/3[
Ωm∆c

Ωm(z)18π2

]1/6(1 + z
10

)1/2

km s−1

Tvir =
µmpV

2
vir

2kB
= 1.98× 104

(
µ

0.6

)(
Mvir

108h−1M⊙

)2/3[
Ωm∆c

Ωm(z)18π2

]1/3(1 + z
10

)
K

(1.14)

where µ is the mean molecular weight.¶

N-body simulations come handy also to investigate the density profile of dark matter

halos. The most widely adopted is the Navarro-Frenk-White (NFW) profile (Navarro

et al. 1996) which has been verified by many numerical simulations. For small and large

radii, the NFW profile is often corrected with the Einasto profile (Einasto 1965) which

mitigates the problem of the central r−1 cusp.

Finally, after characterizing the properties of each individual dark matter halo, only

their statistics is left to investigate. This is described by the number density of dark
§Except for a few simple and highly symmetric cases like the spherical collapse (see e.g. Gunn & Gott

1972).
¶Its value is set by the chemical composition and ionization state of the gas. For a primordial gas cloud

typical values are µ ≃ 0.59 for a fully ionized gas and 1.22 for a neutral gas.
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matter halos as a function of their virial or, in short, the halo mass function. This can be

predicted analytically with the Press-Schechter (PS) formalism (Press & Schechter 1974).

In short, the PS approach estimates the fraction of dark matter particles that are part of

a collapsed halo of a certain mass from the smoothed overdensity field (Eq. 1.13) by

integrating the Gaussian density field beyond a critical density threshold δc. Despite be-

ing fully analytical, the PS halo mass function is fairly accurate at low redshift although

numerical simulations are necessary for more precise results especially at high redshift.

Popular corrections to the PS halo mass function that give a better agreement with nu-

merical simulations can be found in Sheth et al. (2001); Tinker et al. (2008); Watson et al.

(2013).

1.3.3. Baryonic matter and the first galaxies

If galaxies were made only out of dark matter, the Universe would be a rather dark and

cold place. Despite constituting only ∼ 4% of the total matter, baryons assemble into

galaxies and their main components (gas, stars and dust) and are the only observable

part in the Universe.

The theory of galaxy formation is rather complex due to the numerous physical pro-

cesses that operates on a wide range of scales (from sub-parsec to Mpc, see e.g. Fig. 1.1).

However, there have been a number of attempts to build a general framework of galaxy

formation that can explain the rich morphology of galaxy that we observe today and

their evolution. The first attempt of a comprehensive theory of galaxy formation was

outlined byWhite & Rees (1978). These frameworks are the foundation for the numerical

simulations of galaxy formation, in particular for semi-analytical models which will be

discussed in Section 1.5.1. Without dwelling into too main details, here I will summarise

only the key processes relevant to form a galaxy and we refer the reader to Mo et al.

(2010) for a complete review.

When a darkmatter halo collapses∥ (as discussed in 1.3.2) the baryonicmatter bounded
∥In reality we would expect to have a mixture of dark matter and baryon particles bounded together.

When this is considered, the Jeans mass for a gaseous halo can be derived analytically. A more accurate
description of gas uses the filtering mass, which accounts for the time-averaged Jeans effect (see more in
Gnedin & Hui 1998 and in Section 2.1). These critical masses sets the minimum mass for a gaseous halo
∼ 105−6M⊙ at z ∼ 30− 40.
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Figure 1.1: A logic flow chart for galaxy formation. In the standard scenario, the initial
and boundary conditions for galaxy formation are set by the cosmological framework.
The paths leading to the formation of various galaxies are shown along with the relevant
physical processes. Adopted from Mo et al. (2010).
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to that halo is shocked to its virial temperature Tvir and can settle into hydrostatic equi-

librium in the potential well of the halo.

In order to form galaxies, the gas has to cool down and settle on a disk-like struc-

ture towards the mid-plane of the halo. Depending on the halo mass (or virial tem-

perature), there are different cooling mechanisms. For low-mass halos (Tvir < 104K ,

i.e. mini-halos) the gas is expected to be neutral and cooling is possible only through

excitation/de-excitation lines of heavy elements or roto-vibrational lines of molecules.

This latter mechanism is particularly important in pristine halos where H2 is the main

coolant (see discussion in Section 2.1). For halos with 104K ≤ Tvir ≲ 106K , line cooling

due to atoms recombinations from a collisionally ionised medium is particularly effec-

tive. In a pristine gas only H and He are available while in chemically enriched halos

metal lines are very effective coolants (see Sutherland & Dopita 1993). Finally, for ha-

los with Tvir ≳ 106−7K the gas is fully ionized and it cools down via bremsstrahlung

emission from free e−. In all these halos, at z ≳ 6 (when electrons are hotter than the

CMB) an additional cooling channel is provided by inverse Compton scattering of CMB

photons.

After the gas has settle down onto a disk, cold and dense molecular clouds can form. A

gravitational instability in these clouds will trigger a runaway collapse which increases

the density and temperature of the gas. As this collapse proceeds, the gas cloud frag-

ments into smaller high density cores that eventually form stars.

The life cycle of a galaxy is heavily impacted by its stars as they enrich the interstellar

medium with metals (through stellar winds and supernovae explosions, i.e. chemical

feedback) and eject gas through powerful supernovae explosion from the interstellar

medium (ISM) to the circumgalactic medium (CGM). The process of gas cycling between

different phaseswithin the galaxy and in the intergalacticmedium (IGM) is often referred

to as baryon cycle. Other processes that are relevant in a galaxy is the feedback from its

central supermassive black hole (AGN feedback) and mergers with other galaxies. All

these processes listed here ultimately determine how a galaxy evolves and assemble in

cosmic time.
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1.4. The Epoch of Reionization

The formation of the first stars not only affects their host galaxies but it changes the

state of the IGM. The main constituent of the Universe is hydrogen (∼ 75% of the total

baryonic mass). After the recombination and up until the first galaxies form, the Uni-

verse is filled with neutral hydrogen. As soon as the first stars light up, these will start

emitting photons with λ ≤ 912 Å that eventually escape the host galaxy and ionize the

HI in the IGM. By z ∼ 5∗∗ the whole IGM became fully ionized. This event marks the

last major phase transition in the Universe and it is referred to as Epoch of Reionization

(EoR).

This phase transition is mostly studied using Lyman-α photons. The Lyman-α line is

a strong UV emission line of the hydrogen atom at 1216 Å corresponding to a transition

between the energy level n = 2 to n = 1. Lyman-α photons are very sensitive to neutral

hydrogen, both in the ISM and the IGM and even small fractions ofHI can suppress this

emission (Gunn & Peterson 1965). The first evidence for the reionization was provided

by the Gunn-Peterson trough (i.e. a spectrum in which all photons with λ < 1216 Å are

absorbed) in the SDSS quasar spectra by Becker et al. (2001).

In the last twenty years many observational probes have been used to study the EoR.

These focus on constraining the evolution of the neutral hydrogen fraction (xHI ) during

z ∼ 12 − 5. The main ones are summarised below including the 21cm signal to which,

given the importance for this thesis, is dedicated a separate subsection.

1.4.1. Observational probes and constraints

Quasar absorption spectra

Given their large brightness, quasars are ideal candidates to probe the ionization state

of the IGM. While observing their trough at z ≳ 6 just proves the presence of HI , its

fraction can be constrained by looking at the damping wings (i.e. extended absorption

redward of the Lyman-α line) and the dark pixels (i.e. pixels with no detectable flux

blueward of the Lyman-α line). The former is sensitive to larger xHI (∼ 0.4 − 0.7 at
∗∗The exact timing at which reionization is completed is still debated although there is increasing evi-

dence that the whole process finished around z≃ 5.3 (see e.g. Bosman et al. 2022).
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z ∼ 7 e.g. Davies et al. 2018; Wang et al. 2020; Greig et al. 2022; Spina et al. 2024) while

the latter provides conservative upper limits on the neutral fraction towards the end of

the EoR (e.g. xH ≲ 0.06 at z ∼ 5.9 as shown in McGreer et al. 2015). Damping wings can

also be observed in other bright sources such as Gamma Ray Bursts (GRB, e.g. Totani

et al. 2014).

Lyman-α emission from galaxies

Galaxies whose Lyman-α emission is visible are referred to as Lyman-α emitters (LAE).

By looking at the distribution of the equivalent width of Lyman-α lines from galaxies at

z ∼ 7− 8 it can be inferred that the reionization is still proceeding with xHI ∼ 0.4− 0.8

(see e.g. Mason et al. 2019; Hoag et al. 2019; Jung et al. 2020). Alternatively one can

look at the Lyman-α luminosity function (the number density and brightness of LAEs)

which exhibits a sharp decline at z ∼ 7 providing similar constraints to the ones from

the equivalent width (see e.g. Ouchi et al. 2010; Umeda et al. 2024).

CMB

CMB observations can help constraining the duration and timing of the EoR through

measurements of the integrated Thompson scattering optical depth (τe). This quantifies

the probability that a CMB photon scattered off free electrons on its way from the surface

of last scattering to us. This can be estimated as:

τe =
∫ z

0
dz′

∣∣∣∣∣c dt′dz′
∣∣∣∣∣σT ne(z′) (1.15)

where ne the number density of free electrons and σT the Thomson cross section. This

quantity has been measured by the Planck mission (Planck Collaboration et al. 2020) and

its state-of-the-art value is set at τe = 0.054±0.007 disfavouring an early reionization.††.
††Although this might be in tension with the abundance of very high-z galaxies detected with JWST,

see Muñoz et al. (2024) for an interesting discussion.
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1.4.2. 21cm signal

An extremely powerful probe of the Universe between the recombination and the reion-

ization is the hyperfine spin-flip HI transition or, in short, 21cm line (see Furlanetto et al.

2006; Pritchard & Loeb 2012; Liu & Shaw 2020 for detailed reviews). Despite being a for-

bidden line, since the Universe is filled with neutral hydrogen before the reionization is

completed, it is often detected in many astrophysical sources. As the name suggests, this

transition produces radiation at a rest-frame wavelength of 21cm (low-frequency radio).

The observed brightness temperature of the 21cm line is often measured relative to the

CMB‡‡ (i.e. the differential brightness temperature (DBT) δTb) and it strongly depends

on the spin temperature of the neutral hydrogen (TS ) and on xHI so it can be used to

trace the thermal and ionization history of the IGM during the Universe at z ≳ 6. The

DBT can be estimated as Furlanetto 2006:

δTb ≃ 27xHI (1 + δ)
(

H
dv/dr +H

)(
1− TS

TCMB

)(
1 + z
10

0.15
Ωmh2

Ωbh
2

0.023

)
mK. (1.16)

Neglecting the effect of the peculiar velocity (dv/dr) and the dependence on the cos-

mological parameters, before the reionization starts xHI is close to unity, hence δTb is

mostly sensitive to relative difference of TCMB and TS which can be written as:

T −1
S =

T −1
CMB + xαT −1

α + xcT
−1
K

1 + xα + xc
. (1.17)

Tα is the colour temperature which is roughly equal to TK while xα and xc are the

Lyman-α and collisional coupling coefficients, respectively. These coefficients quantify

the strength of the processes (resonant scattering of Lyman-α photons, Wouthuysen

1952 and collisions with free electrons) that drive the spin temperature towards the ki-

netic temperature (when xα + xc >> 1, TS ∼ TK otherwise TS ∼ TCMB).

Across cosmic time the 21cm signal exhibits different features. Soon after recombina-

tion (z ≳ 200) the gas is fully thermally coupled to the CMB (TS = TK = TCMB) hence we

expect δTb = 0. Later on (200 ≳ z ≳ 40) the IGM cools adiabatically (TK < TCMB) and
‡‡In principle it could be measured relative to a radio-loud background source through the 21cm forest

although the existence of these objects is highly debated, see e.g. Šoltinský et al. (2025).
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collisions with free e− couple the spin temperature to the kinetic temperature causing

the 21cm signal to be seen in absorption. As the Universe expands, the IGM becomes less

dense decreasing the efficiency of the collisional coupling bringing the spin temperature

closer to the CMB hence damping the 21cm DBT. When the first sources light on, the

Lyman-α photons start to couple TS to TK - which is colder than the CMB - causing the

signal to be seen in absorption. Once TS is fully coupled to TK the evolution of the 21cm

signal is entirely determined by the kinetic temperature of HI. The X-rays in the early

Universe eventually heat up the IGM above the CMB causing the signal to be seen in

the emission. Concurrently, the reionization is in progress decreasing xHI , weaking the

21cm emission and eventually erasing it completely once the reionization is completed.

The one described above is the evolution of the sky-averaged 21cm signal (or the global

signal). This quantity is incredibly hard to measure due to the challenges of accurately

model the foregrounds which are order of magnitudes larger than the expected signal

(∼ mK). The only claimed detection by the EDGES (Experiment to Detect the Global

EoR Signature) team (Bowman et al. 2018) was refused by independent reanalysis of

the signal (e.g. Sims & Pober 2019) and by other experiments like SARAS (Shaped An-

tenna measurement of the background Radio Spectrum, Singh et al. 2022). Nonetheless

a number of current facilities like REACH (Radio Experiment for the Analysis of Cosmic

Hydrogen) or future radio experiments on the moon are trying to detect the z ∼ 10−20

absorption feature predicted from the light of the first sources.

When looking at the 21cm signal, other than its sky-averaged quantity, one can study

its fluctuations as a function of scale. This information is encoded in the 21cm Power

Spectrum which is the prime target of radio interferometers such as NenuFAR, Murchi-

son Widefield Array (MWA), LOw-Frequency ARray (LOFAR), Giant Metrewave Radio

Telescope (GMRT), Precision Array for Probing the Epoch of Reionization (PAPER), Hy-

drogen Epoch of Reionization Array (HERA) and the upcoming SKA. Even though at

the time of writing a detection has not yet been achieved, the upper limits between

z ∼ 7 − 10 are significantly improving (e.g. HERA Collaboration et al. 2023; Mertens

et al. 2025; Nunhokee et al. 2025) offering promising prospects for a future detection.
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1.5. Modelling the high-z Universe

The two key protagonists of any cosmological simulations are galaxies and the IGM.

Modeling both in a self-consistent way is not an easy task that requires to compromise

between (i) complexity of the physical processes that are included, (ii) resolution and

(iii) size of the simulated volume.

1.5.1. Galaxy formation

Any simulation of galaxy formation, needs to account for both the dark matter halo

growth discussed in Section 1.3.2 and the baryonic physics (Section 1.3.3).

The evolution of dark matter halos can be captured analytically through the Press-

Schechter approach (Press & Schechter 1974) or the Extended Press Schechter (EPS) for-

malism (Lacey & Cole 1993). The latter one provided foundations for Monte Carlo tech-

niques used to generate the hierarchical merger history (i.e. merger tree) of dark matter

halos at selected mass and redshift. These techniques were originally developed in Cole

et al. (2000) and later improved in Parkinson et al. (2008) with the main advantages of

being very fast and efficient, not suffering of limitations in resolution and retrieving the

same statistical properties (like the halo mass function) of N-body simulations. How-

ever, the merger trees obtained with these Monte Carlo techniques do not provide any

spatial information of the dark matter halos and tend to have a worse agreement with

full N-body simulations at very high-z.

To fully capture the complex structure of the cosmic web, one needs to use a N-body

simulation in which the dark matter fluid is discretized in point mass particles which

move inside a simulated volume under the action of gravity. Cosmological N-body simu-

lations are collisionless (dark matter particles do not interact through physical collisions

or close encounters). These simulations are typically post-processed with a halo finder

algorithm (e.g. Knebe et al. 2011) that uses the position and velocity of the particles to

identify the dark matter halos. Once all the halos are identified in all the snapshots of the

simulation, it is possible to reconstruct the merger trees of all the halos. N-body simula-

tions are typically very accurate∗ however they are computationally very expensive and
∗However, halo finder algorithms often fail at high-z to correctly identify structures that are bound
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limited either by resolution or volume. Typically the largest N-body have a simulated

volumes of ∼Gpc3 and can resolve halos down to ∼ 1010M⊙ (e.g. Angulo et al. 2012)

while to resolve mini-halos (∼ 105M⊙) only volumes of Mpc3 (e.g. Visbal et al. 2020) are

feasible.

Semi-analytical models

Semi-analytical models (SAMs) are efficient algorithms that include all the main bary-

onic processes relevant for galaxy formation by solving analytical equations for each

astrophysical process considered. Typically, these include gas infall and cooling, star for-

mation, supernova feedback, mergers and Active Galactic Nuclei (AGN) evolution. They

often use merger-trees - either obtained via Monte Carlo techniques or from a N-body

simulation - and they "paint" galaxies on top of the dark matter halos. In their astrophys-

ical prescriptions, SAMs include free parameters (e.g. star formation efficiency) that are

calibrated against observations (like the stellar mass function or the UV luminosity).

These algorithms are typically very fast (especially when run on Monte Carlo merger

trees) and allow an efficient exploration of the parameter space which can be particu-

larly efficient to discuss the impact of different physical processes. The main drawback

of SAMs is that they heavily rely on parametrization and the simplified analytical pre-

scriptions they use not always capture the complexity of the physical processes involved.

Examples of well-established SAMs based on Monte Carlo merger trees are the Cosmic

Archaeology Tool (CAT, Trinca et al. 2022) and galform (Cole et al. 2000) or based on N-

body l-galaxies (Henriques et al. 2015), Semi-Analytic Galaxy Evolution (SAGE, Croton

et al. 2016) and the Santa Cruz SAM (Gabrielpillai et al. 2022).

Hydrodynamical simulations

Hydrodynamical simulations directly evolve baryons together with dark matter using

gravitational N-body techniques and fluid hydrodynamics solvers. Famous examples in-

clude Illustris (Genel et al. 2014), EAGLE (Schaye et al. 2014), and TNG (Springel et al.

2017). These simulations are significantly more complex than SAMs and are able to re-

solve structure formation at high spatial and mass resolution and naturally capture com-

together, see e.g. Chandro-Gómez et al. (2025)
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plex interactions like feedback-driven outflows and environmental effects. Despite their

accuracy, even hydrodynamical simulations need to implement sub-grid prescriptions

to model physical processes (like star formation) that act on scales below the resolution

of the simulation. Finally, they are computationally extremely expensive requiring mil-

lions of CPU hours on state-of-the-art supercomputers. We refer the interested reader

to Somerville & Davé (2015) for a more in depth review of the numerical techniques

implemented in hydrodynamical simulations.

1.5.2. Reionization and IGM

The Universe is not just galaxies, and especially when focusing on z ≳ 6, it is important

to model the evolution of the IGM and the EoR. Similarly to the galaxy formationmodels,

in order of increasing complexity there are analytical, semi-numerical and full radiative

transfer simulations of cosmic reionization. Here I will only briefly explain each class

of simulations, detailed reviews are provided by Morales &Wyithe (2010) and Gnedin &

Madau (2022).

Analytical models

Analytical models of reionization were firstly developed by Miralda-Escudé et al. (2000)

and Furlanetto et al. (2004) in order to follow the global ionization fraction as a function

of redshift using the balance between ionizing photon production and recombinations

in the IGM. This is described using the volume filling fraction of ionized hydrogen QHII:

dQHII

dt
=

ṅion

< nH >
− QHII

trec
(1.18)

where < nH > is the mean hydrogen density trec is the recombination time and ṅion is

the ionizing photon production rate. The latter term can be expressed as the product be-

tween the total comoving UV luminosity density (ρUV), the ionising photon production

efficiency per unit UV luminosity density (ζion) and the fraction of ionizing photons that

escape the galaxy (i.e. the escape fraction, fesc):

ṅion = fescζionρUV. (1.19)
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While analytical models offer valuable physical insight and are computationally in-

expensive they lack spatial information and cannot capture the patchy, inhomogeneous

nature of reionization. Nevertheless, they have been greatly informative and were his-

torically the first attempt to model the EoR.

Semi-numerical models

Semi-numerical models are able to generate ionization maps using fast approximations

starting from dark matter density fields (either generated analytically or from N-body

simulations). The most famous code is 21cmfast (Mesinger et al. 2011; Murray et al.

2020) which implements the excursion-set formalism from Furlanetto et al. (2004) to

follow the growth of the ionizing bubbles together with a correction to deal with the

overlap of bubbles†. This model is able to produce also other IGM fields including X-

rays, Lyman-α and 21cm brightness temperature. Other similar examples are SimFast21

(Santos et al. 2010) and Islandfast (Xu et al. 2017).

Algorithms based on the excursion-set formalism do not explicitly conserve photons.

For this reason, more refined techniques that solve radiative transfer equation by ray-

tracing have been developed. To keep the calculation computationally efficient this can

be done only along a small number of directions. Examples of this approach are the

Asymmetric Radiative Transfer In Shells Technique” (ARTIST, Molaro et al. 2019) and

the “Semi-numerical Code for ReionIzation with PhoTon Conservation (SCRIPT, Maity

& Choudhury 2022). For completeness we list also the “Abundance Matching Box for the

Epoch of Reionization” (AMBER, Trac et al. 2022) which is based on an entirely different

approach called abudance matching that assumes a relation between the reionization

field and some other base field.

Radiative transfer

The radiative transfer (RT) approach to model reionization involves numerically solving

the propagation of ionizing photons through the inhomogeneous IGM, accounting for

absorption, emission, and scattering processes. Although highly accurate in following
†Recently, in Behling et al. (2025) it was found that semi-numericalmodels struggle to properly evaluate

the impact of reionization on mini-halos, as they often hide in filaments which are not properly captured
by 21cmfast like approaches
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the spatial and temporal evolution of reionization, RT simulations are computationally

intensive and require significant resources to achieve adequate resolution and dynamic

range.

These models can be coupled with dark matter only N-body simulations and in this

case they are referred to as partially coupled (since the baryonic physics is missing not

all the physical processes are coupled). Examples of these are C2-Ray (Iliev et al. 2006),

GRIZZLY, (Ghara et al. 2018), CRASH (Eide et al. 2018, 2020). Finally, when RT methods

are fully coupled to hydrodynamical simulations, the growth and overlap of ionized re-

gions around early galaxies and quasars is accurately tracked. This approach captures

the complex interplay between radiation and structure formation, including shadow-

ing effects, photon mean free paths, and anisotropic ionization fronts. These are un-

doubtably the most expensive simulations reaching volumes up to ∼ 100 cMpc. The

current state-of-the-art simulations are CosmicDawn (CoDa, Ocvirk et al. 2020), Cosmic

Reionization On Computers (CROC, Gnedin 2014) THESAN (Kannan et al. 2022) and

SPHINX (Rosdahl et al. 2018).

1.5.3. Meraxes

In this thesis the SAM meraxes has a pivotal role as the author contributed to its devel-

opment and all the research presented is obtained through post-processing of its out-

puts. In Meraxes, the merger trees are built from a N-body simulation so that the

spatial information of the galaxies is provided. This model was the first of its kind to

couple the galaxy formation model to a semi-numerical model of reionization enabling

self-consistent predictions of both galaxy evolution and the ionization state of the IGM.

meraxes was first introduced by Mutch et al. (2016) and since then, it underwent several

updates by Qin et al. 2017 (AGN feedback), Qiu et al. 2019 (dust models) Marshall et al.

2019 (galaxy morphologies and bulges) and Balu et al. 2023a (X-rays and 21cm evolu-

tion). Meraxes takes a number of free parameters (e.g. star formation efficiency) that

needs to be tuned to match the available observational data. These are calibrated to-

wards the UV luminosity functions up to z ∼ 12, the stellar mass functions up to z ∼ 8

and the reionization history including constrains on xHI at z ∼ 5−10 and the Thomson

scatter optical depth from Planck Collaboration et al. (2020). Below are summarised the
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main astrophysical prescriptions included in meraxes. These will not include the latest

update by Ventura et al. (2024) which is extensively discussed in Section 3.2.

From the N-body simulation, meraxes inherits two structures: the halos (or Friend-

of-Friend groups) defined as groups of gravitationally bound particles. These are further

divided in sub-halos: the mass dominant one is referred to as central along with zero or

more subdominant satellites. Each sub-halo hosts a galaxy, which in meraxes is modeled

with three primary gas reservoirs: hot gasmhot, cold gasmcold and ejected gasmejected.

The hot gas — which represents the CGM — resides in the halo and is shock-heated to

the virial temperature of the sub-halo. The cold gas, found in the disk, constitutes the

ISM and serves as the fuel for star formation. The ejected gas is no longer gravitationally

bound to the galaxy and effectively becomes part of the IGM. Each galaxy, after being

identified from the merger tree, evolves according to the following processes:

Gas Infall

At each snapshot of the simulation, each dark matter halo (FoF) accretes pristine gas

according to:

minfall = fmodfbMvir −
Ngal−1∑
i=0

mi
star +mi

cold +mi
hot +mi

ejected (1.20)

where fb = Ωb/Ωm is the universal baryon fraction set by cosmology and the summation

for all the gas and stellar (mstar) reservoirs is over every galaxy in the FoF halo. 0 ≤

fmod ≤ 1 is the baryon fraction modifier and it parametrizes the attenuation of the total

baryon mass captured by an FoF group. This suppression is due to local UV background

and photo-ionizing feedback from reionization (see e.g. Dijkstra et al. 2004). Note that

Eq. 1.20 can be negative (e.g. when fmod decreases) causing the baryons to be stripped

from the hot reservoir and assigned to the ejected one. All the accreted mass is then

added to mhot of the central galaxy.

Gas Cooling

Some fraction of the hot gas can then cool down and settle into the central region of the

galaxy. To estimate the amount of gas that cools down in a snapshot it is adopted the
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methodology described in White & Frenk (1991). Firstly, it is computed the cooling rate

per unit volume:

tcool(r) =
1.5µ̄mpkTvir

Λ(Tvir,Z)ρhot(r)
(1.21)

where mp is the proton mass, k the Boltzmann constant and ρhot(r) the hot gas density

profile (a single isothermal sphere is assumed). Λ(Tvir,Z) is the temperature (Tvir) and

metallicity (Z) dependent cooling function from Sutherland & Dopita (1993)‡. tcool is

then compared to the dynamical time of the halo tFoF
dyn to find the cooling radius rcool

such that tcool(rcool) = tFoF
dyn. All the hot gas within rcool is moved to the cold gas reservoir

over a dynamical (free-fall) time.

Star formation

All the cold gas is assumed to settle into a rotationally supported disk with an exponen-

tial surface density profile. The disk radius rdisk is estimated from the spin parameter of

the halo λ and the virial radius Rvir following Bullock et al. 2001.§ In order for the gas

to form stars, this has to have a surface density large enough to undergo fragmentation

and form stars (Σcold ≥ ΣSF, see Kauffmann 1996; Kennicutt 1998). This density criterion

can be converted into a critical mass mcrit needed to form stars:

mcrit = ΣSF

(
Vmax

100 km s−1

)(
rdisk

10 kpc

)
× 1010M⊙. (1.22)

with Vmax the maximum circular velocity of the halo. When mcold > mcrit stars are

formed following the star formation efficiency αSF and the star formation rate (SFR) is

given by:

ṁSF = αSF ×
mcold −mcrit

t
dyn
disk

. (1.23)

where tdyn
disk is the dynamical time of the disk. The distribution of the initial stellar is

assumed to follow the Kroupa (Kroupa 2001) initial mass function (IMF).
‡These do not include H2 cooling rates so in the original version of meraxes mini-halos cannot cool

down the gas.
§In Marshall et al. (2019) a more precise calculation of the disk radius was developed assuming the

conservation of angular momentum throughout all processes that add/remove gas from the disk. See
more in Chapter 4.
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Supernova feedback

Themain effect of supernova feedback is to inject energy and release metals into the cold

gas. When the energy injection is large enough, the gas can be mechanically heated and

moved from the cold reservoir to the hot one (∆mreheat). In some extreme cases the

energy injection is so efficient that the gas can be ejected outside the halo and moved

from the hot to the ejected reservoir (∆meject).

Firstly, it is assumed that the energy is released by Type II supernovae occurring for

stars with M ≥ 8M⊙. The fraction of stars in a galaxy going supernovae is found by

integrating the IMF from 8M⊙ to 120M⊙ (the upper limit of the IMF). Given that the

cadence of the snapshots in meraxes is shorter than the typical lifetime of a 8M⊙ star

(∼ 40 Myr), it is implemented a delayed supernova scheme that allows stars to go off in a

future snapshot compared to when they are formed. With these information the energy

injected into the ISM is computed as:

∆ESN = ε ×
∫ t+∆t

t
dt′

∫ ∞
0
dτ
dϵ
dτ
ṁSF(t′ − τ) (1.24)

where ∆t is the timestep of the simulation, ε the energy coupling efficiency, and dϵ/dτ

the rate of energy released by stars of age between τ and τ + dτ as Type II supernovae.

The latter is computed using the stellar population code starburst99 (Leitherer et al.

1999). ∆ESN is used to compute ∆mreheat and ∆meject assuming a mass loading factor

(η) which describes a mass-energy coupling efficiency.

Themetal enrichment is treated in an analogous fashion. To find the amount of metals

∆mZ injected in the ISM, Eq. 1.24 is used without ε and in which dϵ/dt is replaced with

the mass of metals released by stars of age between τ and τ + dτ (dmZ/dτ) computed

with starburst99. The metals released into the cold gas are assumed to mix homoge-

neously with the gas.

UV luminosities and dust models

Meraxes also implements a dust model that follows Charlot & Fall (2000) and allows

to compute the dust transmission function Tλ(t). Photons emitted by young stars are

absorbed by both the ISM in the galaxy and by the surrounding molecular cloud where
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these stars formed. This molecular cloud is assumed to have a lifetime of 10 Myr so that

the starlight coming from stars older than this lifetime is absorbed only by the ISM dust.

With this dust model, the UV luminosity for galaxies in meraxes is computed as:

LUV =
∫ 1650

1550
dλ

∫ t

0
dt

∫ Zmax

Zmin

dZṁSF(t − τ,Z)Sλ(τ,Z)Tλ(τ) (1.25)

where Sλ(τ,Z)is the luminosity of a stellar population of age τ and metallicity Z cal-

culated from starburst99. Note that a top-hat filter centered at λ = 1600 Å has been

applied.

Mergers

As in all SAMs, galaxy mergers are triggered by the merging of their host dark matter

halos. When a dark matter halo is marked as merged, the time taken for the orbit of

the infalling galaxy to decay and the corresponding time for the galaxy–galaxy merger

to occur is computed utilizing dynamical friction arguments (see Mutch et al. 2016 for

more details).

When a merger occurs, all the gas and stellar reservoirs are simply added. However,

especially when the mass ratio between the infalling galaxy and the parent gets closer

to 1 (i.e. major merger), galaxy mergers can drive strong shocks and turbulence in the

ISM triggering an efficient burst of star formation. The fraction of cold gas converted in

stars by such a burst is modeled as:

mburst

mcold
= αburst

(
mgal

mparent

)γburst

(1.26)

with αburst and γburst free parameters of the model.

Reionization

The reionization is computed via a semi-numerical approach based on the excursion-set

formalism similarly to 21cmFAST. The uniqueness of meraxes is the fully coupling be-

tween the galaxy population and the reionization through the baryon fraction modifier

fmod (computed ala Sobacchi & Mesinger 2013) which is used to determine the amount
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of the infalling gas. For each snapshot, after all the galaxies have been evolved via the

processes highlighted above, star formation rate and stellar mass grids are generated us-

ing the spatial information of the galaxies. These grids are used to compute UV ionizing

background (J̄21) and xHI fields. fmod is finally computed as a function of J̄21 and then

applied in the next snapshot to all galaxies to compute their baryonic infall.

Other radiative backgrounds and 21cm signal

The same approach outlined above is also applied to compute all the radiative back-

grounds relevant for the calculation of the 21cm brightness temperature. In particular,

X-ray and Lyman-α are linked to the star formation rate grids and are used to compute

the spin and kinetic temperature in each pixel. The main difference with the UV ioniz-

ing background is given by the different mean free path (e.g. for X-rays is significantly

larger than the UV). Using the density, ionization and temperature grids the differen-

tial brightness temperature (δTb) field is computed allowing the estimation of the 21cm

global signal and power spectrum (see Balu et al. 2023a).

1.6. The high-z Universe through the eyes of JWST

JWST has revolutionized our understanding of the high-zUniverse by pushing the obser-

vational frontier to earlier cosmic times with unprecedented sensitivity and resolution.

Its spectroscopic capabilities have also enabled detailed studies of the chemical compo-

sition and ionization state of early galaxies, offering new insights into the timeline and

drivers of cosmic reionization and metal enrichment. Within its first years of operation,

JWST has identified a surprisingly large population of bright, massive galaxies at red-

shifts z > 10 (e.g. Harikane et al., 2023; Pérez-González et al., 2023; Donnan et al., 2023;

Castellano et al., 2024) including the most distant spectroscopically confirmed source at

z ∼ 14.5 (Naidu et al. 2025). Additionally, results from Carnall et al. (2023) and Labbé

et al. (2023) revealed a population of massive (≳ 1010M⊙) and quiescent (red) galaxies

at z ≳ 4. Both these observations challenge the existing models of galaxy formation

and suggest that star formation and galaxy assembly began earlier and proceeded more

rapidly than what previously thought. It is too early to claim thatΛCDM is broken (see
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e.g. Yung et al. 2025) given the huge uncertainties in the physics driving early galaxy

formation. To explain this overabudance of UV-bright galaxies at z > 10 a number of

explanation have been suggested including:

• high star formation efficiency in high-z galaxies either due to weaker feedback (see

e.g. Dekel et al., 2023) or due to a density dependence (Somerville et al. 2025).

• burstiness in star formation histories (e.g. Sun et al., 2023; Gelli et al., 2024) which

might cause galaxies that recent underwent a starburst to outshine. This has been

shown to alleviate a tension up to z ∼ 12 but struggles to explain the most lumi-

nous candidates at z ∼ 14.

• a hidden population of AGN contributing to the luminosity of the galaxy (e.g.

Hegde et al., 2024). This might help explaining some of the compact bright sources

but not the extended ones.

• A decreased dust-attenuation in high-z galaxies (e.g. Ferrara et al., 2023). This sce-

nario might be associated with the burstiness in star formation as a starburst may

be associated with efficient clearing of dust due to radiation pressure.

• A more top-heavy IMF (e.g. Trinca et al., 2023) implying a higher light to mass

ratio. In this case the mass estimated from the UV bright galaxies would signifi-

cantly decrease. A more top-heavy IMF is indeed expected at high-z due to very

low metallicity of gas however a more top-heavy IMF would also lead to a large

number of stars going supernova, making the feedback stronger and potentially

quenching the star formation. This scenario is particularly intriguing because a

more top-heavy IMF might be the first hint towards a Pop. III stellar population.

This scenario will be widely discussed in this thesis in Section 3.4.
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CHAPTER 2

Population III stars

Io non voglio andare in cerca di me stesso

Perchè rischio di trovarmi per davvero

Eyes Wide Shut

Vanno in scena le mie maschere

Caparezza - Eyes Wide Shut (2021)

The two main properties to classify stars are mass and metallicity (Z). The latter

quantity is defined as the ratio between the mass of metals - elements heavier than Hy-

drogen and Helium∗ - and the total mass of the system (a star, a galaxy etc.) considered.

A commonly used unit is the solar metallicity Z⊙ ≃ 0.02 (Asplund et al. 2009 i.e. the

∼ 2% of the mass of the Sun is in form of elements heavier than He). According to their

metallicity, stars are classified as Pop. I - young and high metallicity with Z ≳ Z⊙ -, Pop.

II - with a lower content of metals (Z ≲ 0.5 Z⊙) - and Pop. III - with a truly pristine

(Z ∼ 0) chemical composition† -. The star with the lowest metallicity reported as of
∗The reason for this classification, other than the laziness of astronomers, is that H and Hewere mainly

produced during the Big Bang nucleosynthesis, while all the other heavier elements are produced in var-
ious stages of stellar evolution; see Kobayashi et al. (2020) for a complete review on the origin of the
elements.

†In practice, Pop. III stars are often defined not as strictly pristine but as forming below a critical
metallicity threshold, Zcrit, below which cooling is inefficient; see more in section 2.1.
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today is SDSS J102915+172927 with Z⋆ ≃ 6.6 × 10−5Z⊙ (Caffau et al. 2011; Lagae et al.

2023). Despite several observations of extremely metal poor stars, no zero-metallicity

star have yet been found. This absence points to a fundamental gap in our observational

understanding of the earliest stages of star formation.

After having provided a broad overview of the assembly and early evolution of cosmic

structures, in this chapter I will zoom-in into the very first episodes of star formation

arising from the metal-free clouds in pristine dark matter halos. I will first review the

standard Pop. III formation scenario in Section 2.1 and then discuss in 2.2 the state-

of-the-art numerical simulations that include Pop. III star formation. I will conclude

this chapter in Section 2.3 with a broad summary of the main observational probes that

are currently being used to directly or indirectly detect Pop. III stars at both high and

low redshift. For a more in-depth discussion of the topics reviewed here, we refer the

interested reader to Bromm (2013) and Klessen & Glover (2023).

2.1. Standard Pop. III formation scenario

To describe the formation of the first Pop. III stars from the initial collapse phase to the

disk fragmentation that ultimately determines the masses of the first stars, the starting

point is to determine what is the smallest dark matter halo that can host Pop. III star

formation. This can be derived analytically requiring that a halo needs to be massive

enough to accrete gas and to efficiently cool the gas. The first condition is linked to the

definition of the Filtering mass described below.

Filtering mass

From the argument of the growth of density perturbations considering a dark matter

halo already virialized and baryons accreting onto it, Barkana & Loeb (2001) found that

the minimum halo mass to develop a substantial baryonic overdensity (δb ≳ 100) is:

Mcrit ≃ 5× 103
(
Ωmh

2

0.143

)−0.5(
Ωbh

2

0.022

)−0.6(1 + z
10

)1.5

M⊙. (2.1)
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implying a minimum mass of ∼ 104 M⊙ at z ∼ 30. This equation is only an approxima-

tion of the correct result (see definition of Filtering mass in Gnedin & Hui 1998 and Naoz

& Barkana 2007) as it assumes that the Universe is static while the baryonic perturba-

tions grow. In particular Eq. 2.1 does not include neither the expansion of the Universe

nor physical processes able to strip the gas from the dark matter halo such as the X-

ray and photo-ionizing background (e.g. Park et al. 2021) and the baryon-dark matter

streaming velocities (e.g. Tseliakhovich & Hirata 2010).

This latter effect arise from the different behaviors of baryons (coupled to photons

until the recombination) and dark matter (evolving independently). When baryons de-

coupled from the photons at recombination they had a relative velocity to dark matter

of ∼ 30 km s−1‡ which is referred to as stream velocity. After recombination, baryons

started to fall into the potential wells of dark matter halos, however, they retained mem-

ory of this relative velocity damping the accretion of baryons onto the dark matter over-

densites. As the Universe expands, the streaming velocity gradually decays so that their

effect is expected to be significant only up to z ∼ 20. Naoz et al. (2013) incorporated this

effect in the definition of the filtering mass finding that, the inclusion of streaming ve-

locities, (vbc) leads to an increase of the minimum halo mass of one order of magnitude

when vbc = σvbc. This result has been further verified in numerical simulations (e.g.

Kulkarni et al., 2021; Schauer et al., 2021). Finally, the minimum halo mass required to

retain gas also depends on the underlying cosmological model. Alternative dark matter

scenarios - such as warm dark matter (Maio & Viel 2015) or fuzzy (Mocz et al. 2020) -

tend to suppress small-scale structure formation, thereby delaying the collapse of the

first halos and effectively raising the threshold mass needed to host a gaseous halo.

Primordial cooling processes

The second crucial requirement for a pristine halo to form Pop. III stars, is its ability to

cool the gas effectively. In a metal-free halo, the only possible coolant must be in some

form of H. As we saw in 1.5.1, in halos with Tvir ≳ 104 K, the atomic hydrogen is an

efficient coolant via Lyman series de-excitations lines (i.e. Lyman-α cooling). At lower
‡This is the root-mean-square value of the Maxwellian distribution at recombination (σvbc), values in

different regions of the Universe are usually expressed as multiples of σvbc.
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temperatures, cooling can happening only through H2. Such a molecule is highly sym-

metric and lacks of dipole momentum; the only transitions through which can radiate

energy are via forbidden magnetic quadrupole lines. This makes molecular hydrogen a

quite inefficient coolant able to bring the temperature of the gas only down to ∼ 200 K

(Greif 2015). The temperature can drop further only in presence of deuterium through

the HD molecule. HD has a non-zero dipole momentum and can make the gas temper-

ature to drop down to ∼ 128 K (this is sometimes referred to as Pop. III.2 formation

scenario as it implies that the halo is either more massive or externally irradiated, en-

hancing the fractional ionization in the halo and leading to the formation of HD).

To form H2 there are three main channels (for a full review see Bovino & Galli 2019):

• A two-stage reaction using e− (either from recombination or from collisional ion-

ization in the gas) as a catalyst. H + e−→ H− +γ followed by H−+ H→ H2 + e−.

This reaction involves the formation of H− as an intermediate product.

• A two-stage reaction using free protons (H+) as a catalyst and involvingH+
2 molecule

as an intermediate product: H + H+→ H+
2 +γ followed by H+

2+ H→ H2+ H+.

• A three body reaction H + H + H→ H2 + H followed by H + H + H2→ H2 + H2.

The first two channels are dominant in low density systems and require a partially ion-

ized medium. These formation pathways are not very efficient and the molecular hydro-

gen fraction (fH2
) obtained via these routes is typically ∼ 10−3. The second channel is

dominant at very high-z (z ≳ 100) since CMB photons are energetic enough to destroy

H− ions. The last channel is very effective in high density medium and for n ∼ 1011

cm−3 the gas becomes fully molecular. By requiring that a halo needs to have enough

molecular hydrogen in order to cool down the gas, Tegmark et al. (1997)§ found a typ-

ical value of the critical mass for a halo to host Pop. III stars ∼ 106 M⊙ at z ∼ 20 − 30

(roughly equivalent to a Tvir ≃ 103 K). These halos have typically fH2
∼ 10−4.

Molecular hydrogen is a relatively fragile molecule and it can be dissociated by UV

photons with energy between 11.2 and 13.6 eV (i.e. the Lyman-Werner (LW) band, see

Stecher & Williams 1967). As soon as the first stars form, they emit photons in the LW
§This calculation was later on updated in order to account for more precise reaction rates, see e.g.

Nebrin et al. (2023).
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band. These photons can propagate to large distances through the IGM (their mean free

path can be up to ∼ 100 Mpc, Dijkstra et al. 2008). Once a halo is irradiated by a LW

background, the fraction of H2 will decrease. As a net effect, the threshold halo mass

to host Pop. III star formation will increase in presence of LW background (e.g. Haiman

et al., 2000). This effect can be counteracted in high density halos where the H2 is self-

shielded. The typical strength (J21) of a LW background required to effectively dissociate

H2 is (Oh & Haiman 2002): (
J21

n

)
≃ 10−4fsh (2.2)

expressed in units of 10−21 erg s1cm−2Hz−1sr−1 and n is the density of the gas at the

halo center. fsh is the self-shielding factor which is usually estiamted from numerical

simulations (e.g. Kulkarni et al., 2021). The above equation yields to values of J21 ∼ 10−3

in absence of self-shielding.

Finally, the presence of a X-ray background can boost the H2 formation due to the

photo-ionization of the IGM which leads to an increase in the density of free electrons

used in the production of H2 (Haiman et al. 2000). All these physical processes (LW

photo-dissociation, self-shielding and X-rays) impact the minimum mass of a mini-halo

able to host stars. Analytical expressions that take into account all these effect simul-

taneously are difficult to find, typically fitting formulas are used based on results from

numerical simulations where all these astrophysical processes are included (see e.g. Vis-

bal et al. 2015 or Kulkarni et al. 2021).

Initial collapse of the gas

After assessing the minimum mass for a mini-halo to form Pop. III stars and how this

is influenced by different astrophysical mechanisms, I dive into the process of Pop. III

star formation starting from the initial collapse of the gas in a pristine mini-halo. Fig.

2.1 shows the evolution of the gas temperature and molecular hydrogen fraction as a

function of density. Labels from A to G mark key phases of the collapse.

At the beginning (A), the gas is in the hot phase shockly heated to the virial temper-

ature of the halo. At this point fH2
∼ 10−4 which is high enough to start cooling the

gas (B) down to ∼ 200 K (C). At this point the gravity of the gas overcomes the dark
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Figure 2.1: The relation between temperature T and hydrogen number density n during
the initial collapse phase (top) and the corresponding fraction of molecular hydrogen
(bottom). Figure is taken from Klessen & Glover (2023) showing data from Schauer
et al. (2021).
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matter one and the contraction proceeds causing the temperature to rise up to ∼ 1000

K (D). The density of the gas is now high enough to favour the formation of H2 through

three-body reactions and the hydrogen becomes fully molecular (E). As the density and

temperature keep increasing, H2 starts to decrease (F) due to collisional dissociation. In

the final phases of the collapse, the gas is now approaching proto-stellar conditions (G)

reaching n ∼ 1016cm−3 with theH2 further depleting and the collapse becomes adiabatic

at n ∼ 1020cm−3.

Disk formation and fragmentation

The final product of the initial collapse is a hydrostatic proto-stellar core (mass of ∼

10−3M⊙ surrounded by a disk-like structure. The first simulations able to follow the

initial collapse (e.g. Omukai & Nishi, 1998; Bromm et al., 1999; Abel et al., 2000; Yoshida

et al., 2003), found a central object with very little angular momentum and mostly sup-

ported by pressure. This result supported the idea that the final product of the collapse

was a single very massive star. However, these simulations stopped when the final den-

sity of the object was ∼ 1016 cm−3 due to computational cost limits. In the last decade,

through more advanced numerical simulations extending beyond the proto-stellar col-

lapse, this picture was revised. A number of works (e.g. Greif et al., 2011a; Hirano et al.,

2014; Stacy et al., 2016; Sugimura et al., 2020; Prole et al., 2022) showed that these pri-

mordial accretion disks are prone to fragmentation suggesting the formation of Pop. III

stellar cluster rather than a single high-mass star. This high fragmentation is mostly due

to the high mass load onto the disk from the infalling envelope which exceeds the gas

capability to transport material inwards. Ultimately, this causes a build up of massive

spiral arms speeding the inward transport.

A number of processes can further complicate this picture either enhancing or sup-

pressing fragmentation. In presence of a strong LW background a mini-halo cannot cool

the gas via H2 and needs to exceeds the atomic cooling threshold (Tvir ∼ 104 K) before

cooling the gas. In such a scenario, once the cooling begins via atomic hydrogen, the

mass of gas is very large and so are the associated infall velocities making the inflow

motion turbulent. Turbulency is one of the main driver of fragmentation so the ultimate

result of a pristine halo beyond the atomic cooling threshold cooling down the gas is an
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increase in fragmentation (Greif et al. 2008; Wise & Abel 2008). A similar result can also

be obtained by the streaming velocity between dark matter and baryons which delays

the gas assembly and increases the halo mass before it is able to cool down the gas.

On the opposite side, magnetic fields can reduce disk fragmentation by removing an-

gular momentum from the star forming gas. Recent studies showed that at very high-z,

the magnetic energy density can be between 1 - 10% of the kinetic energy density with a

field topology highly tangled (Seta & Federrath 2021). Such magnetic fields can affect the

evolution of protostellar accretion disks leading to more massive fragments ultimately

preventing the formation of low-mass stars (M ≳ 1M⊙, Sharda et al. 2021). However,

the details of how magnetic fields influence the early star formation are still subject of

research.

On the Pop. III IMF

What is the initial mass distribution of Pop. III stars is arguably one of the most cru-

cial questions as it determines their fundamental properties and potential observabil-

ity. Unfortunately, as of today, it is impossible to simulate the star formation process

throughout the entire duration of the disk evolution and the simulations usually stop

when the fragment form. The final fate of these fragments is still highly debated with

various studies indicating that roughly two thirds of the fragments quickly disappear,

leaving only the remaining one third to survive (e.g. Stacy & Bromm, 2013; Latif et al.,

2022). The final fate of a surviving fragment is then set by the mechanism terminating

its accretion which could be:

1. The system runs out of mass (all the mass accretes on the proto-star) leaving a

relatively massive star.

2. Stellar feedback removes the accreting material. In this case a wide range of sce-

nario opens up and different simulations provide different outcomes.

3. The fragment is ejected of the disk when this is still relatively low-mass. This

would lead to the formation of a low-mass object potentially still detectable in

stellar archaeology surveys targeting halos of present day galaxies.
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Figure 2.2: Predicted Pop. III IMFs from three high-resolution models with no feedback
(Stacy & Bromm 2013; Wollenberg et al. 2020; Prole et al. 2022), and from three simula-
tions including radiative feedback (Hirano et al. 2014, 2015; Jaura et al. 2022). Adopted
from Klessen & Glover (2023).

As of today, the available simulations provide wildly inconclusive answers (see Fig.

2.2) with the astrophysical processes and the numerical details included in the simula-

tions severely impacting the results. On average, models that include stellar (and radia-

tive) feedback predict larger stellar masses. Nevertheless, despite the large variation in

mass range, all the predicted IMFs are approximately flat in the log space. Hence, the

commonly adopted assumption that the Pop. III IMF is more top-heavy (i.e. larger power

at the high-mass end) compared to the present-day, bottom-heavy IMF (e.g. Kroupa 2001).

Transitioning from Pop. III to Pop. II stars

Once they form, Pop. III stars play a pivotal role in the cosmic metal enrichment that

drives the transition to later generations of stars. Through their short but energetic

lives, Pop. III stars inject the first metals into the ISM and IGM via stellar winds and

SNe explosions. The two main types of SN explosions are core-collapse SN (CCSN)¶ and

pair instability SN (PISN, see e.g. Heger & Woosley 2002). ∥ This chemical enrichment
¶CCSN represents the end of the life for stars with initial mass 8M⊙ ≲M≲ 40 M⊙. After the formation

of a Fe core, the star undergoes a sudden collapse triggering a SN explosion and leaving behind a neutron
star or a black hole.

∥Stars with M∼ 140 − 260M⊙ (although see Yoon et al. 2012; Woosley 2017; Farmer et al. 2019 for
further discussion on these mass limits) at the end of their life, reach high enough temperatures in their
He cores to convert photons into e−e+ pairs through the interaction with surrounding nuclei. This causes
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raises the metallicity of their surroundings above a critical threshold (Zcrit), enabling

more efficient cooling and fragmentation of gas, which marks the shift from Pop. III to

Pop. II star formation. As a result, Pop. III stars not only shape their local environments

but also set the stage for the end of primordial star formation and the onset of more

chemically enriched stellar populations across the Universe.

The value of the critical metallicity that defines the transition between Pop. III and

Pop. II is tied to how the thermodynamics of collapsing gas clouds change in presence of

metals and dust. There are two main theoretical pathways used to estimate the critical

metallicity: (i) metal line cooling and (ii) dust cooling. The former takes α elements

such C and O as main coolants and sets the value of Zcrit ∼ 10−3.5Z⊙ (e.g. Chon et al.,

2021) while in the second mechanism, dust grains formed in SN ejecta exchange thermal

energy with gas and radiate it away, allowing the gas to cool. In such a case, the critical

metallicity can be significantly lower (Zcrit ∼ 10−6Z⊙, Schneider et al. 2006, 2012)

The impact of the first Pop. III stars does not restrict to the local and cosmic metal

enrichment and they profoundly change the evolution of the Universe across both small

and large scales. On small scales, their intense radiation, stellar winds, and supernovae

rapidly heat and ionize the surrounding gas, suppressing further star formation in their

host halos. On larger scales, Pop. III stars contribute to the early stages of cosmic reion-

ization, alter the thermal and ionization state of the intergalactic medium, and shape the

conditions for subsequent galaxy formation. Additionally, they build up the LW back-

ground delaying or suppressing star formation in other mini-halos. In conclusion, the

feedback of the first Pop. III stars acts as a critical bridge between the pristine early

Universe and the emergence of the first galaxies.

2.2. Pop. III stars in numerical simulations

Given the complete absence of observations of Pop. III stars, our current knowledge of

these objects is purely based on numerical simulations. These usually investigate their

properties (e.g. initial masses), the environment where they form or their cosmological

implications (e.g. the Pop. III / Pop. II transition). To study in detail the astrophysical

a sudden collapse due to loss in radiation pressure support and triggers a dynamical implosion of the core.
The typical energy of a PISN is 1 or 2 order of magnitude higher than CCSN.
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processes regulating Pop. III star formation, hydrodynamical simulations are needed,

while SAMs are more suited to investigate their environments or for more statistical

studies. Once again, the biggest challenge of including Pop. III stars in numerical simu-

lations is the trade off between the mass and scale resolution against the volume.

To follow the entire process of Pop. III star formation from the initial collapse to the

disk fragmentation, zoom-in hydrodynamical simulations are required. These typically

begin by running a lower-resolution cosmological simulation (L ∼ 1−10 cMpc) to iden-

tify suitable halos (e.g., pristine, metal-free minihalos), and then "zoom in" with much

higher resolution to simulate baryonic physics in that environment. With this technique,

spatial scales of∼AU andmass scales of∼M⊙ can be resolved ultimately aiming to deter-

mine a priori the Pop. III IMF. These model often cannot include the effects of chemical

and mechanical SNe feedback although sometimes they include radiative feedback and

magnetic fields. To list a few based on Smoothed Particle Hydrodynamic (SPH) codes

such as gadget: Stacy & Bromm 2013; Hirano et al. 2014, 2015; Stacy et al. 2016; Hirano

et al. 2018; Chon et al. 2021 or based on Adaptive Mesh Refinement (AMR) techniques:,

Greif et al. 2011b; Wollenberg et al. 2020; Jaura et al. 2022; Prole et al. 2022; Chiaki &

Yoshida 2022 (using arepo), Sharda et al. (2021) (using flash), Sugimura et al. (2020)

(using sfumato) and Latif et al. (2022) (using enzo).

Zoom-in simulations often stop once the fragments are formed and do not follow the

evolution of Pop. III stars. To model quantities such as the star formation rate density

(SFRD) as a function of redshift, or the transition between Pop. III and Pop. II stars as

well as the build up of the cosmic LW background, cosmological simulations with bigger

volumes than the zoom-in are required. These typical attempt to model volumes of (∼

1−10 cMpc)3 resolving scales down to tens of parsecs andwith baryonic mass resolution

of ∼ 103 M⊙ (in these cases a star particle represents a star cluster rather than a single

star). Examples of simulations that include Pop. III stars are described in e.g. Pallottini

et al. (2014); Smith et al. (2015); Xu et al. (2016, 2017); Sarmento et al. (2018); Jaacks

et al. (2018); Skinner & Wise (2020); Sarmento & Scannapieco (2022); Zier et al. (2025).

These simulations are highly different from each other as they start from different setups

depending on the astrophysical effect that is investigated. For example, simulations that

focus on detailed chemical enrichment (e.g. Smith et al. 2015) still require a highmass and
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spatial resolution to follow in great detail the various astrophysical processes hence are

limited to small volumes. Conversely, when studying cosmological implications, larger

volumes with coupled radiation-hydrodynamics simulations are preferred (e.g. Xu et al.

2016) requiring to adopt a simplified treatment of various feedback processes.

Pop. III stars can be also included in SAMs. In this case, their free parameters reg-

ulating Pop. III star formation are calibrated on the zoom-in simulations. SAMs are

particularly useful to explore the cosmological implications of different Pop. III models

(e.g. impact on cosmic reionization and metal enrichment) and to study the environ-

ments of Pop. III star formation. In the last decade, a huge plethora of SAMs has been

introduced. These include (but are not restricted to) the ones described in Trenti & Sti-

avelli (2009); Hartwig et al. (2015b, 2018a); Visbal et al. (2018, 2020); Mebane et al. (2018,

2020); Trinca et al. (2022); Hegde & Furlanetto (2023); Feathers et al. (2024). I will not

dive into further details here as the chapters 3, 4 and 5 of this thesis extensively discuss

and show the strength of SAMs including Pop. III stars.

2.3. Observational prospects of Pop. III stars

Not having achieved a Pop. III detection so far is not a valid reason to stop trying. A

number of efforts are currently underway to either directly observe or indirectly detect

Pop. III stars which I will briefly summarise hereafter.

2.3.1. Direct detection

A direct observation of a single Pop. III star or a Pop. III stellar population forming in

a mini-halo at z ≳ 15 is basically sci-fi even with JWST. Even though their intense UV

radiation would make them intrinsically luminous in the rest-frame UV, their formation

sites are rare, short-lived, and located at extreme distances, making them incredibly faint.

Schauer et al. (2020) highlighted the problem showing that a 1000M⊙ Pop. III star would

produce a flux of three to five order of magnitudes below the NIRCAM sensitivity and

that such a detection could be achieved only with an extraterrestrial 100m telescope∗.
∗Especially with the recent cuts in the scientific NASA budget, it does not sound such a telescope will

be built soon.
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The only feasible way to achieve a direct detection with JWST is to move at lower

redshift (z ≲ 10) and to consider a cluster rather than a single star. Zackrisson et al.

(2011) and Trussler et al. (2023) showed that, Pop. III star clusters of mass ∼ 105−6M⊙ at

z ≲ 10 should be observable with JWST with 10-100 hours exposure time of an appro-

priate combination of NIRCAM andMIRI filters. However, the existence of such massive

systems is highly argued in the literature. While there is a general consensus that Pop.

III stars can form in pockets of pristine gas down to the EoR (e.g. Venditti et al., 2023),

their characteristic masses are highly debated. Some simulations (e.g. Xu et al., 2016;

Skinner & Wise, 2020) find the mass of Pop. III clusters at z ∼ 6 − 10 to be ∼ 103 M⊙
while other works (e.g. Pallottini et al., 2014; Sarmento et al., 2018) find more optimistic

values of ∼ 105 M⊙. The main physical mechanism that can lead to the formation of

such massive systems is a strong LW background that significantly delays the Pop. III

star formation in mini-halos until they surpass the atomic cooling threshold. At this

point there is enough gas mass that, even with not very high star formation efficiencies,

massive Pop. III clusters can form. If we account for gravitational lensing, the prospects

for observability significantly improve, although a magnification factor of ∼ 100 is re-

quired to detect a 103−4 M⊙ star cluster at z ∼ 8. High magnifications can be obtained

only in very small regions (i.e. close to lensing caustics) so only a very small percent-

age of the Universe is magnified at this level. Nevertheless, an example of an extremely

magnified star at z ∼ 6.2 exists (Earendel, see Welch et al. 2022). Recently, Zackrisson

et al. (2024) showed that a population of highly lensed ∼ 100 M⊙ Pop. III stars at z ∼ 6

may be detected by JWST in surveys covering large numbers of strong-lensing clusters.

The main observational feature associated with a Pop. III star cluster is the presence

of the Helium II recombination line at λ = 1640 Å (HeIIλ1640, Schaerer 2002; Raiter

et al. 2010)†. Since its launch, JWST detected four potential Pop. III photometric candi-

dates at z ∼ 6−10 (Vanzella et al. 2023; Maiolino et al. 2024; Wang et al. 2024; Fujimoto

et al. 2025b). The confirmation of these sources is still pending - a JWST spectroscopic

follow-up of the source identified by Fujimoto et al. (2025b) has been recently approved

- and, until then, one should be cautious before announcing any bold claims (see CR7,
†This emission is expected from anymassive source providing very hard radiation able to doubly ionize

helium (e.g. Wolf-Rayet star or AGN). Hence, the HeII line alone does not prove the presence of a Pop. III
star and it needs to be associated with the absence of metal lines.
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Sobral et al. 2015; Bowler et al. 2017; Matthee et al. 2017). Nevertheless, if such relatively

massive Pop. III clusters exist in the EoR, there is hope to detect them with campaigns

such as the JWST Cycle 4 treasury program, Vast Exploration for Nascent, Unexplored

Source (VENUS, Fujimoto et al. 2025a) targeting a wide survey area around sixty lensing

clusters.

Finally, if (at least some) Pop. III stars form with mass below 0.8 M⊙, these must have

survived to the present day and they should be detectable as such (metal pollution from

the ISM is negligible as shown by Tanaka et al. 2017). The best place to look for such

fossils Pop. III stars are the low-mass satellites of the Milky Way which are expected

to host the largest fraction of Pop. III survivors compared to their total stellar mass

(Magg et al. 2018)‡. So far, no detection has been reported but even a non-detection has

interesting implications as it allows to exclude the existence of low-mass Pop. III stars

(e.g. Salvadori et al., 2010; Hartwig et al., 2015a; Rossi et al., 2021).

2.3.2. Indirect detection

While the quest for the first Pop. III direct observation continues, many studies are

focusing on the observational signatures left by these objects on various high and low-

redshift probes.

Given their expected large masses, the first obvious thing to look for is the associated

transient events (e.g. SNe explosions and GRBs). While CCSNe are hard to detect at

z ≳ 6, JWST (and possibly even the Nancy-Roman Space Telescope) should be sensitive

to PISN exploding at 7 ≲ z ≲ 15 (e.g. Whalen et al., 2013; Smidt et al., 2015; Venditti

et al., 2024). The two main challenges are given by the rarity of these events§ and by

the difficulty in distinguishing Pop. III SNe produced by low metallicity Pop. II stars

(Moriya et al. 2022). Another viable transient probe is GRBs associated with Pop. III

stars, particularly long-duration events from rapidly rotating progenitors. Thanks to

their brightness and detectability at very high-z (e.g. GRB 090423 at z ≃ 8.2 Tanvir et al.
‡The Milky Way bulge is expected to host the largest number of low-mass Pop. III stars although they

are likely impossible to find buried by many Pop. II stars.
§This depends on the Pop. III SFRD and IMF. Both quantities - hence the expected PISN detection

rate - are quite uncertain and model dependent. For a typical JWST NIRcam field the predicted rate is
∼ 10−4 − 10−5 PISNe per year (Johnson et al. 2013; Hartwig et al. 2018b; Venditti et al. 2024.
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2009 or GRB 090429B at z ∼ 9.4 Cucchiara et al. 2011), Pop. III GRBs could be captured

by future missions like THESEUS (Amati et al. 2018). Still, confirming their primordial

origin remains difficult due to the lack of clear distinguishing features. Additionally,

their predicted detection rate is even less constrained than the SNe one since it also

depends on the initial rotation of Pop. III stars and it currently ranges from ∼ 100 per

year for the most optimistic models (Lazar & Bromm 2022) or less than one per year for

the pessimistic ones (Toma et al. 2016).

A powerful indirect probe of Pop. III stars is the 21cm signal introduced in Section

1.4.2. Pop. III stars provide the first Lyman-α and X-ray photons which heat the neutral

hydrogen and couple its spin temperature to its kinetic temperature. I will not further

discuss this probe here as Chapter 5 is entirely devoted to this topic.

Low-z Universe

All the observational signatures discussed so far are restricted only down to the end of

the EoR. However, information on the IMF of the first stars can be obtained through

stellar archaeology (or near-field cosmology) which consists in looking at the chemical

composition of the atmospheres of extremely metal poor (EMP) stars and matching their

abundance pattern to SN explosions to infer the properties of their Pop. III progenitors

(see Frebel & Norris 2015 for a review on this topic). An interesting class of objects

are the CEMP-no stars (Carbon enhanced EMP stars with no enhancement in neutron-

capture elements, Keller et al. 2014; Nordlander et al. 2019). This chemical composition

can be explainedwith Pop. III progenitors havingmasses between 20 and 40 solar masses

for which relatively low explosion energies with significant fallback on the compact

remnant is expected. Also studies on the density of Pop. III intermediate-mass black

holes in theMilkyWay (Mapelli et al. 2006) support this mass range for Pop. III stars with

no enrichment from PISN (M ∼ 140 − 260 M⊙). The only exception has been reported

by Xing et al. (2023) for LAMOST J1010+2358 whose abundance pattern is well fit by a

PISN imprint from a 260 M⊙ progenitor (although this analysis has been later refused by

Jeena & Banerjee 2024; Skúladóttir et al. 2024). More constraints might be available in the

future looking at relative abundances of Damped Lyman-α systems (DLAs). These can

be detected using quasar absorption spectra and they allow to measure detailed chemical
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compositions at much higher-z (up to z ∼ 6 with the recent ESO Large Programme XQR-

30 D’Odorico et al. 2023). A recent work by Sodini et al. (2024) based on this sample

showed a potential retention of Pop. III signatures in DLAs at z ≳ 5.4.

Finally, Pop. III stars are expected to retain more mass throughout their evolution,

producing massive black holes that can form binary systems (binary black holes, BBHs).

Since the discovery of gravitational waves (GW, Abbott et al. 2016) several GW events

were detected by LIGO, Virgo andKAGRA featuring BBHswith componentmasses peak-

ing at 30 M⊙ and extending beyond ∼ 65 M⊙ (Abbott et al. 2021). While this might point

towards a more top-heavy IMF of the progenitor stars, most of the detected mergers are

expected to occur from Pop. II binaries rather than metal-free binaries, because of their

higher number. Statistical features such as the mass distribution, spin alignment, and

redshift evolution of merger rates, may help to distinguish a Pop. III contribution which

is expected to dominate at z ≳ 6 (e.g. Santoliquido et al., 2023; Liu et al., 2024). Although

current detectors are limited to much lower redshifts, future observatories like LISA and

the Einstein Telescope will access the high-z GWUniverse, offering a direct probe of the

earliest stellar remnants and their role in cosmic history.
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CHAPTER 3

Semi-analytic modelling of Pop. III star formation and

metallicity evolution – I. Impact on the UV luminosity

functions at z = 9–16

Fuori di me, exuvia, spiego le ali, au revoir

Un’altra chance escludila, gioco alla pari con l’età

Passati appassiti, appassiti come quadranti di Dalí

Passati parassiti, parassiti, fame di me, cannibali

Caparezza - Exuvia (2021)

This chapter is based on

E. M. Ventura, Y. Qin, S. Balu, J. S. B. Wyithe (2024),

Monthly Notices of the Royal Astronomical Society: 529, 628

Reformatted with the following changes only:

• The text is styled and restructured to match the rest of this thesis.

• Where necessary, bibliographic records are updated.
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We implemented Population III (Pop. III) star formation in mini-halos within the mer-

axes semi-analytic galaxy formation and reionisation model, run on top of a N-body

simulation with L = 10h−1 cMpc with 20483 particles resolving all dark matter halos

down to the mini-halos (∼ 105M⊙). Our modelling includes the chemical evolution of

the IGM, with metals released through supernova-driven bubbles that expand according

to the Sedov-Taylor model. We found that SN-driven metal bubbles are generally small,

with radii typically of 150 ckpc at z = 6. Hence, the majority of the first galaxies are

likely enriched by their own star formation. However, as reionization progresses, the

feedback effects from the UV background become more pronounced, leading to a halt in

star formation in low-mass galaxies, after which external chemical enrichment becomes

more relevant. We explore the sensitivity of the star formation rate density and stellar

mass functions on the unknown values of free parameters. We also discuss the observ-

ability of Pop. III dominated systems with JWST, finding that the inclusion of Pop. III

galaxies can have a significant effect on the total UV luminosity function at z = 12−16.

Our results support the idea that the excess of bright galaxies detected with JWST might

be explained by the presence of bright top-heavy Pop. III dominated galaxies without

requiring an increased star formation efficiency.

3.1. Introduction

Chapter 2 of this thesis provides an in-depth discussion of the standard Population III star

formation scenario in mini-halos (Section 2.1, the numerical methods used to simulate

this process (Section 2.2), and the observational challenges associated with detecting

these early stars (Section 2.3).

To address the issues of simulating Pop. III star formation in mini-halos and to iden-

tify potential observational signatures, we chose to use the semi-analytical model of

galaxy formation Meraxes (Mutch et al. 2016, M16 hereafter) within a simulation that

allows us to resolve all the mini-halos down to a few 105M⊙ in a simulation of L = 10

Mpc h−1. The size of this simulation is not large enough to be representative of the Uni-

verse (we will miss the most massive galaxies). However, the scales are large enough

to investigate the impact of the main physical processes on the Pop. III star forma-
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tion. We incorporated a number of new physical processes that are relevant to Pop.

III star formation in mini-halos including: (i) molecular hydrogen cooling functions for

mini-halos, (ii) baryon-dark matter streaming velocities, (iii) photo-dissociation of H2

molecules from the Lyman-Werner background and (iv) the chemical evolution of the

intergalactic medium. This latter effect has been implemented assuming that metals are

released through supernova explosions and within a bubble that expands accordingly to

the Sedov-Taylor model (the approach is very similar to the analytical calculation shown

in Furlanetto & Loeb 2003). We found that these bubbles are generally small and that

they roughly agree with the previous estimate by Trenti et al. (2009), with typical radii of

150 ckpc at z = 6. The implementation of both internal and external metal enrichment

allows us to understand whether a galaxy will form Pop. III or Pop. II stars and thus

quantify the impact of Pop. III galaxies on the total luminosity function at z ≥ 5. This

chapter is structured as follows:

In Section 3.2, we present the new physics implemented in Meraxes. In Section 3.3, we

show the main global properties of the Pop. III star formation across cosmic history dis-

cussing which parameters have a stronger impact on the global star formation history

and on the metallicity of the IGM. In Section 3.4 we discuss the SED evolution of Pop.

III galaxies and the UV luminosity functions at z = 9 − 16 for different Pop. III IMFs.

Finally, we discuss our main results and conclusions in Section 3.5.

3.2. Pop. III star formation in meraxes

In the previous version of the SAM meraxes (Mutch et al. 2016, Qin et al. 2017; Qiu

et al. 2019 and Section 1.5.3) the galaxies are assumed to form in a previously chemically

enriched Universe and inside atomic cooling halos. Such an approximation does not

allow us to study the first episodes of star formation that mostly occurred in mini-halos

when the Universe did not have any metals. The version of meraxes presented in this

work allows us to compute the physics of the first episodes of star formation from the

initial molecular cooling of the gas to the external metal enrichment from the supernova

feedback. As in the previous work, meraxes is coupled to the reionization so that all the

radiative backgrounds are computed in a self-consistent way from the galaxy properties.
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This has been done by implementing a modified version of 21cmfast (Mesinger et al.

2011) that includes the local ionizing UV background from Sobacchi & Mesinger (2014)

and the X-ray heating (Balu et al. 2023a). In this version, we also included the Lyman-

Werner background.

3.2.1. High-Resolution N-body simulation

The updates to meraxes for Pop. III necessitate highmass and spatial resolution. For this

purpose, we introduce L10_N2048 (hereafter L10) from the Genesis suite of dark matter

only N -body simulations. L10 is a periodic cubical simulation of side 10 h−1 Mpc and

consists of 20483 darkmatter particles of massmp = 9.935×103h−1M⊙ resulting in a halo

mass resolution of ∼ 3.18 ×105h−1M⊙ (based on a minimum of 32 particles per halo).

The simulation, run using the SWIFT (Schaller et al., 2018) cosmological code, evolves

these dark matter particles from z = 99 down to z = 5. The halos were identified using

the friends-of-friends phase space halo-finder VELOCIraptor (Elahi et al., 2019a) and

the merger trees were constructed using TREEFROG (Elahi et al., 2019b). We note that

the mass resolution achieved in this simulation allows us to resolve all the mini-halos

below z ∼ 30 and is the highest resolution on which meraxes has been run. The output

trees of the N-body simulation used in this work are available on Zenodo at Balu et al.

(2024).

3.2.2. Molecular cooling

The first process in order to enable star formation is the cooling of the gas. For dark mat-

ter halos with Tvir ≥ 104 K, the main coolant is the atomic hydrogen, while in mini-halos

(103 K ≤ Tvir < 104 K), the cooling occurs via roto-vibrational transitions of molecular

hydrogen (e.g. Tegmark et al., 1997). For the details on how the cooling of the gas is

implemented in meraxes, we refer the reader to M16; in this section, we only highlight

the main differences between the atomic and the molecular cooling.

As in M16, we compute the ratio of the specific thermal energy to the cooling rate per

unit volume:

tcool(r) =
1.5µ̄mpkT

ρhot(r)Λ(T ,fH2
)

(3.1)
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where ρhot(r) is the gas density profile (we assume a singular isothermal sphere), k is the

Boltzmann constant, and T is the temperature of the gas (which we set to be the virial

temperature of the halo). M16 included only atomic cooling halos. Thus they set the

mean molecular weight µ̄ = 0.59 assuming a fully ionized gas and the cooling function

Λ(T ) in units of erg cm−3 s−1 from Sutherland & Dopita (1993). For mini-halos we

instead set µ̄ = 1.22 (fully neutral gas) and implement the molecular hydrogen cooling

functions Λ(nH,T ) from Galli & Palla (1998). This choice is valid as long as we assume

that the cooling inside mini-halos occurs only due to H2. This may not be valid as, if a

mini-halo is chemically enriched with metals by a nearby halo, metals are much more

effective in the cooling of the gas (e.g. Nebrin et al., 2023). However, as we will show

in section 3.3, this enrichment is almost ineffective at z > 10. The molecular cooling

function Λ depends on the gas density of the halo (which can be directly computed for

each galaxy assuming an isothermal sphere) and on the molecular hydrogen fraction

fH2
. For the latter we assumed a fixed value of 0.1%, which is consistent with results

from Nebrin et al. (2023) for halos of Tvir ≃ 5 × 103K at z = 15 − 20∗. As in M16, the

cooling time is used to find a cooling radius that determines the amount of gas that is

cooled down.

3.2.3. Streaming velocities

As a first approximation, gas in a mini-halo can start to cool down the gas once it reaches

the virial temperature of ≃ 103 K. From Barkana & Loeb (2001), adopting µ = 1.22 for a

fully neutral gas, this requirement would correspond to aminimum virial mass of (Visbal

et al. 2015):

Mmin,H2
= 2.5× 105

(
26

1 + z

)
M⊙. (3.2)

However, there are a number of effects that can decrease the amount of molecular hy-

drogen present in the halo, reducing the cooling efficiency and ultimately increasing the

minimum virial mass of a halo capable of cooling (see Nebrin et al. 2023 for an extensive

discussion and comparison between results found in different simulations.)
∗The exact value of fH2

depends on the virial mass of the halo, redshift and the time available for H2
formation in the minihalo (which is likely to be a multiple of the free fall time). To compute the exact
value of fH2

is beyond the aim of this work, hence we chose an average value.
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A non-radiative process that can delay the gas cooling in very low-mass halos is the

streaming velocity between baryons and dark matter (Tseliakhovich & Hirata 2010).

This effect is a consequence of the different decoupling of baryons and dark matter par-

ticles from photons that results in a velocity difference between the two species of vbc

that can be expressed as a constant multiple of the root-mean-square (rms) streaming

velocity σbc = 30 × (1 + z)/1000 km s−1. The presence of a relative motion between

baryons and dark matter particles will make it harder for baryons to fall into the po-

tential wells of dark matter halos, delaying the accretion and, hence, the cooling of the

gas in mini-halos. The main outcome of this physical process is to delay the very first

episodes of star formation around z ∼ 40. Throughout this work, we implemented the

effect of the streaming velocities as per other semi-analytical models based on a fitting

function found by Fialkov et al. (2012), which is calibrated to reproduce the results of

the hydrodynamical simulations of Greif et al. (2011a) and Stacy et al. (2011):

Vcool,H2
= (a2 + (bvbc)2)0.5, (3.3)

where a = 3.714 km s−1 and b = 4.015 km s−1. Equation 3.3 provides the minimum

circular velocity that a halo needs to have in order to have enough H2 to cool down the

gas. Vcool,H2
can be easily converted into a virial mass Mcool,H2

using the formula in

Barkana & Loeb (2001). In this work we fixed vbc(z) = σbc(z) and we assumed this value

for the entire box.†

3.2.4. LW background

A self-consistentmodel of star formation inmini-halosmust consider the photo-dissociation

of H2 from UV photons in the Lyman-Werner (LW) band ([11.2 - 13.6] eV). LW photons

destroy H2 and thus prevent mini-halos gas from cooling (Haiman & Bryan 2006). We

implement this effect by changing the minimum mass for molecular cooling using the
†This assumption is not entirely accurate as the streaming velocities are roughly constant up to a scale

of a few Mpc while our box is larger than 10 Mpc. However, the effect of streaming velocities is dominant
only at z ≥ 30 before the first stars form, and the Lyman-Werner background is built up.
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fitting from Visbal et al. (2015):

Mcrit,MC =Mcool,H2
[1 + 22.87× J0.47

LW ]. (3.4)

This critical mass only applies to minihalos which are below the atomic cooling halo

mass threshold. In the absence of an LWbackground, this equation simply givesMcrit,MC

as defined in Section 3.2.3. JLW is the LW flux in units of 10−21 erg s−1 cm−2 Hz−1 sr−2

that reaches the minihalo. LW photons have a mean free path of ∼ 100Mpc, so each

minihalo will be affected even by distant galaxies that formed at higher redshift. Thus,

we modelled the LW background by integrating contributions across the cosmic history

(see a similar approach in Qin et al. 2020 which is briefly summarized below.)

As for all the radiative backgrounds in meraxes, we follow an excursion-set formalism

(Furlanetto et al. 2004) which counts the number of photons in a certain band in spheres

of radius R centred at location and redshift (x,z). We decrease the radius down to the

size of the cell Rcell. At each of these locations, we compute the LW emissivity ϵLW(x, z′)

using the spectral energy distributions from Barkana & Loeb (2005). These give dn
dν : the

number of photons per solar mass per unit frequency for both Pop III and Pop II stars.

We assume that LW photons are absorbed only at resonant frequencies (thus we are

neglecting any absorption from H2 in the IGM) where νn = νLL(1 − n−2) and νLL =

3.29 × 106 GHz is the Lyman limit frequency. Under these approximations, we can

compute the LW emissivity smoothed over R at redshift z and location x for sources

emitted at redshift z′ as:

ϵLW(x, z′ |z,R) =
∑

i=III,II

SFRDi
nmax(z)∑
n=2

∫ νn+1

max(ν′n,νLW)

dni

dν′′
hdν′′ (3.5)

In the equation above, we directly link the star formation rate density (SFRD) for both

Pop. III and Pop. II stars (which we can compute from meraxes) to the LW emissivity

summed over the Lyman series. This sum accounts for the resonances in the Lyman

series (Lyman-n photons will be absorbed and re-emitted as a Lyman−α photon). Given

the large mean free path of LW photons, we must also account for distant galaxies at

higher redshift z′ > z with the redshifted spectrum ν′ = ν 1+z′
1+z . The sum of these two
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effects causes the peculiar shape of the LW spectrum (see Fig. 2 in Qin et al. 2020).

Following Barkana & Loeb (2005) we account for all the Lyman resonances with n ≤ 23.

Under these approximations we can find the maximum redshift zmax from which a LW

photon can reach z:

zmax + 1 = (z+ 1)
1− (n+ 1)−2

1−n−2 . (3.6)

Finally, we need to convert the emissivity into a flux following (Qin et al. 2020):

JLW(x, z|R) =
(z+ 1)3

4π

∫ ∞
z
dz′

cdt
dz′

ϵLW. (3.7)

The approach described above differs from the one in 21cmfast only for the computa-

tion of the SFRD. In Qin et al. (2020), the SFRD is estimated from the density field and

the collapsed fraction, while in this work, it is computed directly from meraxes, which

tracks the formation of each galaxy and its entire star formation history.‡.

Together with the LW background, the main radiative feedback that suppresses star

formation is the UV photo-ionization (the ionizing UV background inhibits gas accretion

in low-mass halos Sobacchi &Mesinger 2013). We used the same prescriptions as inM16,

which consists of reducing the baryon content through a baryon fraction modifier fmod

(that depends on the local ionizing rate and the time when the nearby IGM becomes

ionized) that stops the gas infall. In difference from the LW feedback, the UV photo-

ionization is relevant only during reionization (z ≤ 10), and it also affects atomic cooling

halos as massive as ∼ 109.5M⊙.

3.2.5. Metal Evolution

Once stars start to form in the Universe, they also explode as supernovae, releasing

metals. Most of these will stay inside the same galaxy, contributing to the chemical en-

richment of the galaxy itself. This process is commonly known as "genetic" enrichment
‡In this work, we are not accounting for the self-shielding of H2, which acts against the H2 photo-

dissociation and thus might enhance the molecular cooling in mini-halos (Hartwig et al. 2015b; Schauer
et al. 2021; Chiaki & Wise 2023) increasing the Pop. III SFRD (Feathers et al. 2023). Kulkarni et al. (2021)
provided a fitting formula for Mcrit,MC accounting for the H2 self-shielding. Since this affects only the LW
feedback, the combined effect of the LW background and the streaming velocities in Kulkarni et al. (2021)
is not multiplicative as assumed in Eq. 3.4
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and is likely to be the main mechanism of chemical enrichment of the Universe. How-

ever, some of the metals escape their parent galaxy. In this case, they will pollute the

nearby IGM, and if later a galaxy forms in a region where the IGMwas enriched, the new

galaxy will be pre-enriched with metals. This latter mechanism is referred to as "exter-

nal" metal enrichment (e.g. Pallottini et al., 2014; Smith et al., 2015; Hartwig et al., 2018a;

Visbal et al., 2020; Yamaguchi et al., 2023). Keeping track of the metallicity evolution

of the Universe is crucial in order to put constraints on when the Pop. III/II transition

occurred.

We account for both processes, and we are able to follow the metallicity evolution of the

IGM. Firstly, we choose a critical metallicity Zcrit = 10−4Z⊙ as the threshold value be-

low which a galaxy will form Pop. III stars. All new galaxies, unless externally polluted,

will accrete pristine gas (without any metals) onto the hot gas reservoir. This gas, once

it cools, will provide the reservoir for the star formation. Hence, a galaxy that is not

externally polluted will always form Pop. III stars for the first time. At each snapshot,

we compute the metallicity of the cold gas reservoir from the amount of metals released

by earlier supernovae and if this is higher than Zcrit, the galaxy will form Pop. II stars,

otherwise it will form Pop. III.

While internal enrichment is the main mechanism that drives the Pop.III/II transition,

some galaxies can be externally enriched through supernova winds originating in a

nearby galaxy. Once several supernovae in a galaxy go off, they will form a "super-

bubble" that will expand outside the galaxy escaping the binding energy of the dark

matter halo. We followed the expansion in time of this "metal bubble" using the analytic

approximation in Dijkstra et al. (2014):

rbubble(t) =
(
∆ESN

mpngas

)0.2

t0.4. (3.8)

All quantities that appear in this equation are computed in meraxes. ∆ESN is the total

supernova energy released at a certain snapshot, and it is computed using the stellar

mass that goes supernova in that snapshot multiplied by the supernova explosion en-

ergy (see Eq. 11 in M16). ngas is the number density of the gas to which the bubble has

expanded (while the bubble is smaller than the virial radius, this is the gas density of the

galaxy; otherwise, the density of the IGM), and t is the time since the explosion occurred.
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We assume that all the supernova events will occur in the middle of the snapshot§. Note

that since meraxes accounts for both contemporaneous and delayed supernova feedback

(see more in M16), each galaxy has several bubbles associated with the same star forma-

tion episode. However, we consider only the largest of these bubbles so that each galaxy

has only one associated bubble. Having calculated the bubble size, we can predict if a

nearby galaxy will accrete pristine or enriched gas. In order to reduce the computational

cost, we avoid computing the distance between all the pairs of galaxies and instead use

the grid-based approach outlined below:

• Build a high-resolution grid with N 3
grid cells smoothing the matter density grid

from the N-body simulation. The size of the cell is chosen so that the volume of

the cell is similar to the volume of the typical bubble at the end of the simulation

(Rave,bubble ≃ 100ckpc, see Fig. 3.2). For our box, this requirement is satisfied

when Ngrid = 128. This ensures that the metal bubble will not overflow outside

the pixel where it originates.

• For each cell i, we compute the average metallicity ZIGM,i as the ratio between the

sum of the metals ejected by all galaxies inside the cell and the total gas in the cell:

ZIGM,i =
N∑
j

MMetalsEj,j

MIGM,i +MEjGas,j −Mgas,j
. (3.9)

Here MIGM,i = ρcritΩm(1 + δi)fbd3 is the total baryonic mass inside each cell

which depends on the average matter overdensity of the cell δi and the cell size d.

MEjGas andMgas are respectively the total mass of the ejected gas and the bounded

gas of each galaxy. We only let the galaxies with rbubble ≥ 3 ×Rvir contribute to

MMetalsEj,j and MEjGas,j. For the computation of the metals ejected from Pop. II

galaxies, we refer the reader to M16 and Qiu et al. (2019) and for Pop. III galaxies

to Section 3.2.6.

• For each cell i, we compute the volume fraction filled with metals (the metal fill-

ing fraction), summing the volume of the largest bubble surrounding each galaxy
§This assumption is not self-consistent with the luminosity computation of Pop. III galaxies, which

assumes stochastic Pop. III star formation (see section 3.2.7).
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within the pixel and dividing by the cell volume. As above, we account only for

those galaxies with rbubble ≥ 3 ×Rvir. This choice reflects the fact that a central

galaxy needs to be surrounded by a bubble at least as large as its virial radius in

order to pollute a nearby galaxy. The factor of 3 has been chosen given that the

distance between two central galaxies in our simulation is always larger than three

times the virial radius of the biggest galaxy. Hence, the metal filling factor for the

cell i is Qmetal,i =
∑N
j Vbubble,j

Vi
.

• At the beginning of each snapshot, we assign the probability p for external metal

enrichment to each galaxy inside the cell i. This probability will be given by the

metal filling factor Qi . This choice assumes that the galaxies are randomly dis-

tributed within each pixel. This assumption holds only if we use a high-resolution

grid where the pixel size is small enough such that clustering effects are negligible.

• We assign a random numberm between 0 and 1 to each newly formed galaxy, and

at each snapshot, we compare this randomnumber to p. When the conditionm ≤ p

is satisfied, we label that galaxy as externally enriched, and it accretes enriched

gas with a metallicity equal to the average metallicity of the cell that belongs to

(ZIGM,i). Furthermore, when a galaxy experiences a star formation episode, we

enforce p = 1 (in this latter case, we know that this galaxy will be inside its own

metal bubble and thus cannot accrete pristine gas). With this latter condition and

internal enrichment, we effectively stop Pop. III star formation inside a galaxy

after the first supernova episode.

We illustrate an example in Fig. 3.1, where we selected a 2D slice of our L10 box at

z = 10 with a thickness of 0.078h−1cMpc. The red (blue) dots are the galaxies with

Mvir ≥ 106M⊙ (not) externally metal-enriched, while the green dots are previously

formed galaxies with rbubble ≥ 0.05h−1 cMpc. For a better visualization, we zoomed

into a slice with 0.24h−1 cMpc on a side showing the actual size of the metal bubble

(right plot). Inside this region, all the 7 galaxies that formed inside the bubble are ac-

tually marked as externally enriched. At the same time, the 5 galaxies that are marked

as not enriched lie outside the bubble, showing that the adopted approximation works

quite well (see the end of this section for a more detailed discussion). This demonstrates
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Figure 3.1: left: 2D slice of the L10 box at z = 10 with the position of all the galaxies
withMvir ≥ 106M⊙ (blue dots) highlighting the ones that are externally metal enriched
(red dots). The green dots are galaxies with an associated metal bubble larger than 0.05
h−1 cMpc. The slice is 10 h−1 Mpc on a side and ∼ 0.078h−1Mpc thick. right: zoom-in
of a single pixel (0.24 h−1 Mpc on a side). The circle represents the actual size of the
bubble around the green dot.

2 5 10 20 40 80 200 500
rbubble (ckpc)

10 5

10 4

10 3

10 2

z = 20

2 5 10 20 40 80 200 500
rbubble (ckpc)

z = 15

2 5 10 20 40 80 200 500
rbubble (ckpc)

z = 10

2 5 10 20 40 80 200 500
rbubble (ckpc)

z = 5

Figure 3.2: Distribution function of the metal bubble size computed according to Eq. 3.8
at 4 different redshifts. The grey column indicates the predicted value for the maximum
bubble size at z = 6 from Trenti et al. (2009).
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that this method can reproduce the statistical properties of inhomogeneous metal en-

richment. The main limitation of this technique is that we are not accounting for the

overlap of the bubbles and thus are overestimating the metal-filling factor and underes-

timating the metallicity of those galaxies that are polluted from more than one galaxy.

However, given the small size of the bubbles (see discussion in Section 3.3 and Fig. 3.2),

this is not a major factor, especially prior to reionization. We note that the methodology

shown here is similar to Sassano et al. (2021) with the main differences being that we

divided the volume of our simulation in cells allowing a more precise computation of

the metallicity of the enriched regions.

Fig. 3.2 shows the bubble size distribution function (rbubble in ckpc) at redshift 20, 15,

10 and 5. From this plot, we see the bubble growth over time from a typical radius of

∼ 30 ckpc at z = 20 to ∼ 150 ckpc at z = 5. These values are consistent with the results

shown in Trenti et al. (2009) (rbubble ≤ 150h−1 ckpc at z = 6) with only a few bubbles at

z = 5 larger than this value.

Fig. 3.3 shows the IGM metallicity (top row), metal filling factor (middle row) and den-

sity (bottom row) maps at four different snapshots. The red (blue) cells in the top row

have ZIGM ≥ (<)Zcrit indicating that galaxies that will be externally polluted in those

cells will accrete enriched (pristine) gas and will form Pop. II (III) stars. Comparing the

maps at the same snapshot, we see that the more overdense regions have a larger filling

factor and a higher metallicity as these hosts more galaxies, hence more metal bubbles.

Fig. 3.3 also shows the progressive enrichment of the IGM over the cosmic history since,

as we move to lower redshift (from left to right panels) we have more enriched cells and

with larger filling factors.

Testing the external metal enrichment

Here we discuss the extent to which our approximation on the external metal enrich-

ment based on the filling factor is appropriate and when it fails.

Since we are avoiding computing all the pairs of distance, there might be some galaxies

for which we are not getting a correct enrichment. For this reason, we computed in

post-processing the distance between all the pairs of galaxies throughout the entire sim-

ulation and we counted how many galaxies in meraxes are marked as externally metal
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Figure 3.3: 2D projections of the IGM metallicity log(ZIGM) in solar units (top row), the
metal filling factor log(Q) (middle row) and the overdensity δ (bottom row). From left
to right, the columns correspond to the same redshift: z = 20,16,12,8. Each slice is 10
h−1 Mpc on a side and considers the average contribution over the entire thickness of
the box. In the top row, red (blue) represents enriched (pristine) pixels: ZIGM ≥ (<)Zcrit.
Green pixels have a larger filling factor Q, indicating a larger probability of a galaxy
accreting enriched gas. Dark cells in the bottom row have larger mean overdensity δ.
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enriched (pristine) even if they are outside (inside) a metal bubble. We repeated this

computation for several grid resolutions: N = 16, 32, 64, 128 and 256. Hereafter, we will

call "false pristine galaxies" those galaxies that lie inside a metal bubble (and so should

be enriched) but in meraxes are labelled as pristine and "false enriched galaxies" those

galaxies that are not reached by any bubble but in meraxes are labelled as enriched.

In the left panel of Fig. 3.4 we computed the mass fraction of the false pristine (solid line)

and false enriched galaxies (dashed line) using different metal grid resolutions. At lower

resolution, the percentage of the false pristine galaxies increases from 4% at N = 128

(black line) to 7% at N = 16 (blue line). This happens since, as the pixel becomes bigger,

the assumption of the galaxies randomly distributed inside each pixel is no longer valid

as the clustering becomes much more important. However, when we use a very fine grid

(N = 256, grey line), the mass fraction of false enriched galaxies dramatically increases

at z ≤ 10. This happens because by z = 10, the typical bubble size becomes larger than

the pixel volume (rbubble ≃ 40−80 ckpc, see Fig. 3.2), and so we lose all the contribution

that overflows outside the pixel. The mass percentage of false enriched galaxies instead

is only mildly affected by different resolutions (always below 2%). We then compute the

absolute value of the difference between the mass percentage of the false pristine and

the false enriched galaxies (middle panel). This quantity tells us if, statistically, we are

reproducing the correct global enrichment of the Universe, and it tells us whether or

not we can apply this model to study the global properties of the Universe. We can see

that having a high-resolution grid significantly improves the quality of our results. For

N = 128, this difference is always below 2%, and at z < 12 is approximately 0%. This

tells us that for a high-resolution grid, globally, we are getting the correct enrichment of

the Universe as the mass percentage of false pristine and false enriched galaxies cancels

out. This agreement is almost perfect during the EoR, while during the Cosmic Dawn is

still very good, but we are underestimating the metal enrichment of ∼ 1-2%. Finally, we

are also showing the sum between the false enriched and pristine galaxies (right panel).

This quantity instead tells us what is the mass percentage of galaxies for which we are

getting a wrong estimation of the enrichment and it is particularly important if we want

to apply this model to study analogues. Increasing the resolution improves our result,

which, for N = 128, peaks at ∼ 4% during the Cosmic Dawn. In conclusion, our model
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Figure 3.4: left: mass fraction of false pristine (solid line) and false enriched (dashed
line) galaxies (see text for details). Blue, red, green, black and grey lines refer to different
grid resolutions (N = 16, 32, 64, 128, 256 respectively). center: absolute value of the
difference between the mass fraction of false pristine and false enriched galaxies. The
same colour coding is adopted. right: sum of the mass fraction of false pristine and false
enriched galaxies. The same colour coding is adopted.

for N = 128, while reducing the computational cost, still gives an excellent agreement on

global enrichment and a very good agreement on the enrichment of single galaxies.

3.2.6. Pop. III star formation

In this work we modify Pop. II description in M16 to allow star formation in Pop. III

galaxies (see Section 2.4 in M16). In particular, once a galaxy reaches a mass of cold gas

larger than a critical valuemcrit, this galaxy will convert the cold gas into stars according

to the star formation efficiency αSF. The value ofmcrit is computed as in M16 and is de-

termined by a critical surface densityΣnorm of the gas in the cold disk. Since we are now

considering two different stellar populations, we adopted two different free parameters,

both for the star formation efficiency αSF,III and for the critical surface density Σcrit,III.

Recent full hydrodynamical simulations that follow the collapse of a pristine gas cloud

until a Pop. III star is formed (e.g. Hirano et al., 2014; Stacy et al., 2016; Chon et al., 2021),

suggest that the Pop. III IMF is shifted to larger masses as a result of less fragmenta-

tion due to inefficient cooling. Within this work, we adopted the IMFs from Raiter et al.

(2010) (see Table 3.2), while for Pop. II stars, we assumed a Kroupa (2001) IMF. For the

58



fiducial model, we chose a Salpeter IMF with a mass between 1 and 500 M⊙. The choice

of the IMF is crucial as it determines many properties of the stellar population, including

what fraction of stars will explode as supernovae and, hence, the amount of energy and

metals injected into the IGM. In this work, we explore the impact of the 4 free param-

eters discussed above (see also Table 3.1) since these have the strongest impact on the

Pop. III star formation history. meraxes includes more free parameters describing the

energy coupling efficiency of the supernova explosion (see M16 and Qiu et al. 2019) that

will not be explored in this work (we will take the same fiducial values as for Pop. II).

Since the focus of this work is on the first galaxies formed during the Cosmic Dawn, we

do not explore parameters describing the UV ionizing and X-ray radiation (e.g. escape

fraction), and we will take the same fiducial values as in the previous works (see Balu

et al. 2023a). Those will be discussed in a future work focused on the EoR using a larger

box.

The fate of a zero-metallicity star is quite uncertain due to the many poorly constrained

physical mechanisms. Here, we adopt a simplified picture of the final fate of a Pop. III

star depends only on its initial mass (Heger & Woosley 2002). For masses below 8 M⊙,

there will be no SN event. If M⋆ ∈ [8,40]M⊙ it will explode as a core-collapse SN (CCSN)

leaving a remnant, if M⋆ ∈ [140,260]M⊙ there will be a pair-instability SN (PISN) leav-

ing no remnant and if M⋆ ∈ [40,140]M⊙ or M⋆>260M⊙ stars collapse directly into a

black hole (BH) with negligible feedback. Given the different endings of a Pop. III star

life, the choice of the IMF is crucial to compute the timing of delayed supernova feed-

back. While we use the technique of Qiu et al. (2019) for Pop. II stars with precomputed

tables assuming a Kroupa IMF (Kroupa 2001), for Pop. III supernova feedback we esti-

mated the amount of SN energy and metal yields with an analytic calculation as in M16.

The total energy provided by Pop. III supernovae explosions at the snapshot j is:

∆Etotal,III,j =
i=j∑

i=j−17

(
∆ECCSN,III,j +∆EPISN,III,j

)

= ϵenergy

( i=j∑
i=j−17

(
∆mi

⋆,IIIη
i
III,CCSN,jECC

)

+∆m
j
⋆,IIIηIII,PISNEPISN

)
,

(3.10)
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where ∆mi
⋆ is the new stellar mass formed at an earlier snapshot i, ϵenergy is the energy

coupling efficiency (Qiu et al. 2019), ECC = 1051 erg and EPISN = 1053 erg are the typical

energy for a core collapse and a pair-instability supernova respectively and

ηi
III,CCSN,j =

∫ mimax,j

mimin,j

φ(M)dM (3.11)

ηIII,PISN =
∫ 260M⊙

140M⊙
φ(M)dM (3.12)

are respectively the fraction of stars formed during snapshot i that go core collapse and

pair-instability supernova in snapshot j. These are computed by integrating the chosen

IMF over the correctmass limits. Assuming that all-star formation occurred in themiddle

of the snapshot, mi
min,j and m

i
max,j for CCSN are computed from the lifetimes for Pop.

III stars using Schaerer (2002) assuming no mass loss and zero metallicity. We highlight

that a zero metallicity star with M ∈ [140,260] has a lifetime smaller than the time

separation between two consecutive snapshots in meraxes; hence, it will explode as a

PISN in the same snapshot in which it forms. For this reason, in Eq. 3.12, the mass limit

for ηPISN is the entire mass range of the PISN and when computing the total energy

from PISN injected at snapshot j in Eq. 3.10 we consider only the stars that are formed at

snapshot j. For CCSN, instead, we keep track of the star formation history over the last

17 snapshots, which correspond to ≳ 40 Myr, after which all stars withM ≥ 8M⊙ will

already be exploded. To compute the amount of gas that is reheated and ejected from

the halo, we adopted the same prescription as Qiu et al. (2019).

We also update the amount of ejected gas and metals from Pop. III stars. These are

taken fromHeger &Woosley (2010) assuming non-mixing (no rotation) and a supernova

explosion of 1.2 ×1051 erg. As in M16, when a star goes core-collapse supernova at

snapshot j, it will release an amount ∆mCCSN,Z,j of metals and ∆mCCSN,X,j of gas into

the interstellar medium:

∆mCCSN,Z,j =
i=j∑

i=j−17

∆mi
CCSN,Z,j

mCCSN
∆m⋆ , (3.13)
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where mCCSN is the total fraction of stars that ends as a CCSN:

mCCSN =
∫ 40M⊙

8M⊙
Mφ(M)dM (3.14)

and ∆mCCSN,Z;i,j is the amount of metals released by a star formed at snapshot i and

going supernova at snapshot j:

∆mi
CCSN,Z,j =

∫ mimax,j

mimin,j

Mφ(M)ZdM. (3.15)

In the above equation, Z is the metal mass fraction released into the ISM from super-

novae, and it is incorporated inside the integral because it is not fixed over the mass

range (i.e in stars with M⋆ ≥ 25M⊙ most of the metals will fall onto the remnant due

to the massive fallback). With an entirely analogous calculation, it is possible to find

∆mCCSN,X,j (we just need to replace Z with the gas mass fraction X). Once again, we are

doing delayed SN recycling only for CCSN because, in the case of pair instability, all the

feedback is contemporaneous. For PISN, we considered the gas and metal yields from

Heger & Woosley (2002).

In all the previous meraxes works, all the stellar mass locked up in remnants (neutron

stars and BHs) was neglected as it was recycled into the gas mass budget of the galaxy.

We decided to drop this approximation for Pop III stars as they are likely to leave more

massive remnants (some might be massive enough to be the first "light" seeds of su-

permassive BHs). Firstly, we need to consider the BHs that formed after a "failed SN

scenario" typical of a star with an initial mass M⋆ ∈ [40,140]M⊙ and M⋆ > 260M⊙.

The BH mass arising from this scenario will be:

mBH = ∆m⋆

(∫ 140M⊙

40M⊙
Mφ(M)dM +

∫ Mmax

260M⊙
Mφ(M)dM

)
. (3.16)

Finally, we need to account for the BH remnants that are left after a CCSN. In this case,

we use equations 3.13 and 3.15 substituting the metal mass fraction with the BH mass

fraction B = (1 −X − Z) (since all the remaining material that has not been ejected is

locked onto the stellar remnant). meraxes, does not evolve the remnants (via accretion),
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Table 3.1: Free parameters of Pop. III star formation.

Parameter Description Fiducial value (Pop II)
αSF Star formation efficiency 0.008 (0.08)
Zcrit Critical metallicity for Pop III star formation 10−4Z⊙
Σnorm Critical surface gas density for Pop III star formation 0.37 (0.37) M⊙ pc−2

IMF type⋆ Shape of the Initial Mass Function Sal (Kroupa)
⋆see Table 3.2

Table 3.2: IMF model parameters.

Label Type Mlow Mup α Mc σ
Sal Salpeter 1 500 -2.35
logA log-Normal 1 500 10 1.0
logE log-Normal 1 500 60 1.0

as the main focus of this work is Pop. III stars. However, the impact of the first accreting

BHs on the formation of the supermassive black holes and radiative backgrounds might

be important even at high-redshift (Ventura et al. 2023).

3.2.7. Pop. III luminosity

In order to investigate the observability of the first Pop. III galaxies we implement spec-

tral energy distributions (SED) for Pop. III stars. We use SEDs from Raiter et al. (2010)

that have been computed for the IMFs listed in Table 3.2 assuming that star formation

occurs in an instantaneous burst (see instantaneous burst in Raiter et al. 2010). These

SEDs also include the nebular continuum emission and the UV ionizing properties. We

used the latter to compute the number of UV ionizing photons per baryon nγb for each

IMF provided. To compute the luminosity of galaxies at a specific wavelength λ, we used

the model introduced by Qiu et al. (2019) (see also Mutch et al. 2023), and we extended it

to Pop. III galaxies. Having the Pop. III SEDs, we can compute the luminosity of a Pop.

III galaxy at time t as:

Lλ(t) =
∫ t

0
ψ(t − τ)Sλ(τ)Tλ(τ)dτ. (3.17)

Here τ is the stellar age, ψ(t − τ) the stellar mass formed at t − τ with age between τ

and τ + dτ , Sλ(τ) is the luminosity of a stellar population per unit mass and Tλ(τ) is
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the transmission function of the interstellar medium. For the latter term, we refer the

reader to Qiu et al. (2019) while Sλ for each Pop. III IMF has been taken from Raiter

et al. (2010) as discussed above. This calculation is nearly identical to Qiu et al. (2019),

with the difference being that we do not have the metallicity dependence because Pop.

III stars SEDs are defined with a zero metallicity. In this framework, we assume that the

star formation occurs continuously throughout the snapshot. To compute ψ(t − τ), we

take the stellar mass formed in that snapshot and average it over the entire duration of

the snapshot. While this is a good approximation for Pop. II stars, Pop. III star formation

is expected to occur in a single burst because of the feedback from Pop. III stars are likely

to prevent continuous star formation. For this reason, we expanded the calculation of

the luminosity of Pop. III galaxies assuming that new stars ∆m⋆ form instantaneously

at the time t − τ = t0. Hence, we can write ψ(t − τ) = ∆m⋆δ(t0) and Eq. 3.17 simplifies

to:

Lλ(t) = ∆m⋆

∫ t

0
dτδ(t − t0)Sλ(τ)Tλ(τ)

= ∆m⋆Sλ(t − t0)Tλ(t − t0).

(3.18)

As we will discuss in Section 3.4, instantaneous (instead of continuous) Pop. III star for-

mation has an impact on the estimated luminosity function of galaxies hosting Pop. III

stars. This is because Pop. III stars have lifetimes that can be shorter than the duration

of the snapshot (at z = 10 the snapshot will last 10 Myr, see Fig. 3.5). Hence, when we

consider continuous star formation, we average the star formation over the entire snap-

shot, leading to lower luminosity with a higher duty cycle.

In order to account for instantaneous star formation, we assumed that a Pop. III star

formation episode in a galaxy can occur at random ∆t ∈ [0, tsnap] prior to the end of the

snapshot.
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Figure 3.5: Duration of the snapshot dt in Myr as a function of redshift. Dashed lines
correspond to the lifetime of a zero metallicity star of 8M⊙, 10M⊙, 40M⊙ and 60M⊙.

Instantaneous Pop. III star formation

Here we discuss how to evaluate the UV luminosity function of Pop. III galaxies assum-

ing instantaneous star formation. Due to the stochasticity involved in the process of star

formation, the burst might occur at any time within a snapshot (with a time duration of

tsnap) for a galaxy, resulting in different luminosities when observed. We refer to ∆t as

the time delay of the star formation burst happening relative to the end of our snapshot

and draw its value from a random uniform distribution between zero and tsnap. One

can then evaluate the luminosity of this galaxy, repeat the exercise for all targets after

assigning them different ∆t, and calculate their probability distribution as a function of

UV magnitude (i.e. the UV luminosity function, Φ(MUV, z)). To achieve a more efficient

computation, we instead sample∆t in fine steps of∆ti = [0.01,0.5,1.0,1.5, ...,∆tN ]Myr

with the last sample bracketing the snapshot length as ∆tN ≤ tsnap < ∆tN + 0.5Myr.

Then we calculate the UV magnitudes of each galaxy for given ∆ti and evaluate the cor-

responding luminosity function at the condition of fixed ∆t, Φ((MUV, z)|∆ti). Finally,

the luminosity function is obtained by summing all conditional probability distributions

as

Φ(MUV, z) =
∆tN∑

∆ti=0.01

Φ((MUV, z)|∆ti)× P (∆ti). (3.19)

64



Note that the probability of each conditional luminosity function is simply

P (∆ti) =


∆ti/tsnap when i = 1,

(∆ti −∆ti−1)/tsnap when 1 < i <N,

(∆ti − tsnap)/tsnap when i = N.

(3.20)

3.3. Global evolution of Pop. III stars

To explore the Pop. III contributions to the cosmic star formation history, we ran two

simulations on the L10 box, one with all the updates described in Section 3.2 adopting

the fiducial parameters (see Table 3.1 and one without the new physics that we labelled

as "NoMini"). Given that there are no observational constraints on Pop. III, the choice of

a fiducial model is arbitrary. The one adopted in this work has both a low star formation

efficiency and a Salpeter-like IMF, which will result in a relatively small global impact

of Pop. III star formation compared to Pop. II.

In Figure 3.6 we show the stellar mass function (SMF) at different redshifts accounting

for all (black), only Pop. III dominated (cyan), and only Pop. II dominated (red) galax-

ies. We classified a galaxy as Pop. III or Pop. II dominated based on which population

is brighter in the UV band. Thin (thick) lines are computed from the fiducial (NoMini)

model. The total SMF has two components, separated by their stellar types. In this fidu-

cial model, as Pop. III SFE is 10 times lower than Pop. II, we see a resulting bimodality

(which we will further expand discussion in Sec 3.2.1). As shown in the upper panels, the

new updates on meraxes mostly affect the lower end of the SMF with a larger impact at

high-z. This reflects the star formation in mini-halos (we are now considering molecular

cooling), which is dominant at z ≥ 15 before the Lyman-Werner background becomes

strong enough to photodissociate all the molecular hydrogen.

The lowmass of Pop. III systems is mainly a consequence of both the shorter lifetimes of

Pop. III stars (given their larger mass) and the lower SF efficiency, but also suggests that

most of the Pop. III star formation must occur in mini-halos. In order to investigate this,

we checkedwhich halos form Pop. III and Pop. II stars. In Fig. 3.7, we show the halomass

function for Pop. III (cyan line) and Pop. II (red line) star-forming halos at z = 20,15,10
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Figure 3.6: SMF at z = 20, 15, 10 and 5 for all stars (upper row), Pop. III stars (middle
row) and Pop. II (lower row) using the fiducial model (Table 3.1) and the NoMini model
(thick line).

and 5. The dashed line corresponds to the limit of atomic cooling (Tvir = 104K). Given

the small size of the box, we have only a few atomic cooling halos at z ∼ 20, so all star-

forming systems are mini-halos (and are mostly Pop. III). At lower redshift, the peak

of the distribution shifts to higher masses (by z = 10 most of the stars form in atomic

cooling halos except for some low mass halos that are undergoing a merger event) and

the impact of Pop. II increases. Finally, Fig. 3.7 shows that Pop. III stars mostly form

in mini-halos (except at z = 5 when the radiative feedback has suppressed both the gas

infall and cooling in mini-halos). This is because the more massive halos are more likely

to have already experienced star formation and so will be internally chemically enriched.

In Figure 3.8 we show the total star formation rate density (SFRD) as a function of
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Figure 3.7: Halo mass function at z = 20, 15, 10 and 5 of Pop. III and Pop. II hosting
systems. The dashed line corresponds to the Tvir = 104 K that defines the atomic cooling
limit.

redshift for both the fiducial and the NoMini model. In the case of the fiducial model, we

also show the Pop. III (Pop. II) contribution in the upper (lower) panel. Mini-halos have

an appreciable impact on the SFRD only up to z ≥ 20, while at lower redshift, most star

formation occurs in atomic cooling halos (at z < 15, the total SFRD in the fiducial and

NoMini model are superimposed). We see that accounting for Pop. III star formation in

mini-halos is crucial during the Cosmic Dawn because Pop. III stars dominate the global

star formation history at z ≥ 20 and are still relevant up to z = 18. As we can see in the

lower panel, the Pop. III SFRD flattens at z ∼ 18 and starts to decrease at z ∼ 10. The

early flattening occurs due to the build-up of the Lyman-Werner background that affects

Pop. III star formation in minihalos. The sharp drop at z ≤ 10 is mostly caused by the

photoionizing feedback from reionization that also affects the atomic cooling halos. The

feedback from reionization also mildly affects Pop. II as can be seen from the flattening

of the red line at z ∼ 8 in the upper panel¶

¶Given the small size of the box, the feedback from reionization it is slightly overestimated as we (i) are
missing the most massive systems that would not be affected by the photo-ionizing feedback and (ii) the
box gets completely ionized at z ∼ 6.9 which is much earlier than what suggested by the latest Lyman-α
forest measurements (e.g. Qin et al., 2021a; Bosman et al., 2022).
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3.3.1. Chemical enrichment of the IGM

Compared to reionization, the chemical enrichment of the IGM is a much slower process

due to the lower velocity of the expansion of the metal bubbles. As already found in

previous works (e.g. Visbal et al., 2020; Yamaguchi et al., 2023), the impact of external

metal enrichment is subdominant compared to internal metal enrichment. However,

external enrichment might still be important for low-mass halos that do not form stars

until z ∼ 10.

The top left panel of Fig. 3.9 shows the redshift evolution of the average metallicity

of the box (in solar units) computed using Eq. 3.9 and averaging through all 1283 pix-
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els. As expected, the average metallicity increases monotonically. It crosses the critical

value at z ∼ 11 and at the end of the simulation is ∼ 5 × 10−3Z⊙. The redshift evo-

lution of ZIGM is in very good agreement with Yamaguchi et al. (2023), especially for

their "bursty" models, which is the one that most closely resembles the star formation in

meraxes. However, the average metallicity of the IGM does not completely inform us

of the average metallicity of the galaxies since, when averaging through the entire box,

we are considering voids that have no galaxies and hence zero IGM metallicity. For this

reason, in the top right panel, we computed the black solid line, averaging only through

cells that have at least one metal bubble (meaning that there must be at least one galaxy

that formed stars). The shaded region shows the scatter in the metallicity of these cells

from the highest to the lowest metallicity. The average metallicity, in this case, is much

higher, and it is always above the critical value. This suggests that once the first galax-

ies form, the ejection of metals from Pop. III is quite effective in the nearby regions,

allowing a fast Pop. III/II transition in those cells where star formation already occurred

(and the galaxies are internally enriched). The lower panels instead show the fraction

of the IGM that reached the critical metallicity (or equivalently, the metal filling factor

Q(Z ≥ Zcrit)). Considering the entire box (left panel), less than 1% of the volume gets

enriched above Zcrit by z ∼ 5. This result is fairly consistent with Visbal et al. (2020)

and Yamaguchi et al. (2023) (∼ 1% by z = 6). These small differences are likely due to

differences in the star formation models and in the choice of parameters, such as the star

formation efficiency. If we focus only on the regions with at least one galaxy that formed

stars, we find larger filling factors, and by the end of the simulation, those pixels are all

completely enriched. This final result reflects our choice of pixel size that is designed to

be similar to the average volume of the metal bubble at z ∼ 5.

Finally, in Fig. 3.10, we show the halo mass function for the externally (black line)

and internally (grey line) metal enriched halos at z = 20,15,10 and 5∥. While most

halos get internally enriched by their own star formation, at z = 5 halos with virial

massesMvir ≤ 107.5M⊙ get their metals mostly from a nearby supernova bubble. This

picture reflects the fact that low-mass halos during reionization are not able to form stars
∥While physically a halo could be both internally and externally enriched, here we are simplifying

assuming that a halo is either internally or externally enriched.
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Figure 3.10: Halo mass function at z = 20, 15, 10 and 5 of Pop external (black) and internal
(grey) metal enriched halos. The dashed line corresponds to the Tvir = 104 K that defines
the atomic cooling limit.

because of the LW and photo-ionizing feedback. Hence, those objects can be chemically

enriched only from an external source.

In conclusion, when looking at the global evolution of star formation, the effect of the

external metal enrichment is quite negligible as it is important only for low-mass halos

at low redshift that will hardly form stars due to the radiative feedback effects. We

verified this by running a simulation without external metal enrichment (a halo can

only get enriched by its own star formation). We plot in Fig. 3.11 the total, Pop. III and

Pop. II SFRD (dashed lines) compared to the fiducial model (solid lines). There are no

appreciable differences between the two models except at z ≤ 8 when the dashed line is

slightly larger (about 0.1 dex difference).

3.3.2. Pop. III star formation parameters

The results in previous sections were obtained adopting quite conservative assumptions

for Pop. III stars given the very low SF efficiency and the Salpeter-like IMF (althoughwith

Mmin = 1M⊙). In the following sections, we explore the four main free parameters that

regulate Pop. III star formation in meraxes listed in Table 3.1: the Pop. III star formation

efficient αSF,III, the critical metallicity for Pop.III/II transition Zcrit, the critical surface

density of cold gas for Pop. III star formation to occur Σnorm,III and the IMF.
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Figure 3.12: As Fig. 3.6 using the fiducial model (solid), αSF,III = αSF,II (dotted) and
αSF,III = 0.5 (dashed).

Pop. III SF efficiency

The star formation efficiency determines the conversion of the cold gas into stars and

is the free parameter with the largest impact on the Pop. III global SFRD and SMF. This

parameter is largely unconstrained, with some simulations supporting very low values

(10−4−10−3 Skinner &Wise 2020) and others suggesting higher values (Fukushima et al.

2020). We ran two simulations keeping all the Pop. III free parameters unchanged except

for αSF,III, which we boosted by one order of magnitude (to the same value we use for

Pop. II αSF = 0.08) and to a very high value (αSF = 0.5).

As shown in Fig. 3.12, Pop. III galaxies become more massive as αSF increases, erasing

the "double peak" feature in the total SMF. For the model with αSF,III = αSF,II, the peak
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of the Pop. III SMF is still shifted to the left by half dex compared to the Pop. II. This

is because, despite having the same star formation efficiency, Pop. III galaxies mostly

form in mini-halos. For αSF,III = 0.5, the peak of the Pop. III and Pop. II SMF is at the

same mass value (105 − 106M⊙ at z ∼ 15− 5) with the only difference being the larger

variance for Pop. II galaxies. Increasing the Pop. III SF efficiency does not affect the Pop.

II SMF (except for small variations at z = 5) meaning that the mechanical feedback does

not change significantly.

The star formation efficiency also regulates the Pop. III/II transition as it directly

correlates with the SFRD. Looking at the SFRD in the three different models (Fig. 3.13)

we see that for αSF,III = 0.5, the SFRD is dominated by Pop. III up to z ∼ 15 compared

to the fiducial model where Pop. II SF becomes larger than Pop. III at z > 20. The

Pop. II SFRD does not significantly change between the three models, and so the change

in the Pop. III SFRD also affects the total SFRD (the dashed line is almost one order of

magnitude higher than the solid one). All the models converge at z ∼ 13 when even with

the highest αSF,III the total SFRD is entirely dominated by the Pop. II contributions.

Critical metallicity

The critical metallicity defines the metallicity at which there is a change in the IMF

(metal-free gas clouds have inefficient cooling that leads to less fragmentation and higher

masses Chiaki & Yoshida 2022). There is currently no consensus on the value of Zcrit,

with two competing models that assume the fragmentation driven by either the carbon

and oxygen line (e.g. Chon et al., 2021) or the dust cooling (e.g. Schneider et al., 2012;

Chiaki & Yoshida, 2022). The first class of models determine a Zcrit ∼ 10−2 − 10−3Z⊙

while the seconds give a lower value (∼ 10−6Z⊙). Some studies also argue that the value

of Zcrit evolves with redshift due to the effect of the CMB (Chon et al. 2022). Following

simulations in the literature (Schneider et al. 2006; Visbal et al. 2020), in this work we

adopted an intermediate value Zcrit = 10−4Z⊙ as the fiducial value, hereafter we will

also show results for the two extreme values of 10−2Z⊙ and 10−6Z⊙.

The SMF between the fiducial model and Zcrit = 10−6 Z⊙ does not change. This is

because, as we saw in the top right panel of Fig. 3.9, in the overdense regions where
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αSF,III = 0.5 (dashed).
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Figure 3.15: As Fig. 3.8 using the fiducial model (solid), Zcrit = 10−6Z⊙ (dotted) and
10−2Z⊙ (dashed).

there is star formation, the metallicity becomes larger than 10−4Z⊙ very quickly so that

changing Zcrit to 10−6Z⊙ does not further accelerate the Pop. III/II transition. However,

considering a higher value changes the total SMF as we end up with many more Pop.

III stars. As shown in Fig. 3.14, in the Pop. III SMF in this case, many of the previously

identified as Pop. II galaxies are now Pop. III galaxies across the entire mass range. The

high-mass tail of Pop. III SMF extends up to 107.5M⊙ at z = 5 when Zcrit = 10−2Z⊙,

while the Pop. II systems are less massive as they start to form later and so have less

time to build up their mass. The combined effect of Pop. III and Pop. II makes the total

SMF computed from the simulation with Zcrit = 10−2Z⊙ single peaked as the high-mass

peak coming from Pop. II stars are washed out even at z = 5 so that the total SMF peaks

atM⋆ ∼ 104M⊙ at z = 10− 5 with a high-mass tail that extends up to 109M⊙.

The critical metallicity also has a strong impact on the evolution of the SFRD (see Fig.

3.15) as it affects both the internal and external enrichment. While decreasing the value

of Zcrit from the fiducial value only mildly decreases the Pop. III SFRD without altering
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the total result, choosing Zcrit = 10−2Z⊙ strongly changes the SFRD history at z ≤ 18.

The Pop. III SFRD increases by 1-2 orders of magnitude while the Pop. II decreases by

the same amount. It also starts to increase steadily only from z ∼ 18. Increasing the Pop.

III star formation and simultaneously decreasing the Pop. II impacts on the total SFRD.

Since Pop. III stars form less efficiently (αSF,III = 0.1 × αSF,II) we predict a lower total

SFRD compared to the fiducial model (and in this case, the two models do not converge

until the very end of the simulation). Overall the critical metallicity heavily impacts both

the SFRD and SMF during the Cosmic Dawn and the Epoch of Reionization and affects

when the universe transitions from being Pop. III dominated Pop. II.

Critical surface density

In order to trigger the star formation in a galaxy, ourmodel requires the gas density in the

disk to be above a certain threshold. This result has been obtained in the observational

results of Kennicutt (1998); Kennicutt & De Los Reyes (2021) and theoretically motivated

by Kauffmann (1996); however, the value of this parameter is highly uncertain, especially

at high-z as it depends on the structure of the disk (e.g. thickness, turbulence etc.). We

decided to duplicate this free parameter so that we have one for Pop. III and one for

Pop. II. While keeping the Pop. II parameter fixed, we explore the extreme case of

Σnorm,III = 0, which is equivalent to assuming that Pop. III stars start to form as soon

as the cooling of the gas begins, and all cold gas is available to form Pop. III stars (in

proportion to the star formation efficiency). This choice results in a larger abundance of

low-mass Pop. III systems at high-z (the largest difference between the cyan dashed and

solid line in Fig. 3.16 are at z = 20 and 15).

However, since the main changes in the Pop. III SF are in low-mass halos, setting

Σnorm,III = 0 does not significantly change the SFRD history (see Fig. 3.17 where the

cyan dashed line is only slightly lower than the fiducial model).

Overall, this free parameter is the one with the smallest impact on the star formation

history, as it only impacts the low-end of the stellar mass function at high-z for which

there are no observational constraints.
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Figure 3.16: As Fig. 3.6 using the fiducial model (solid) and Σnorm,III = 0 (dashed).
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Figure 3.17: As Fig. 3.8 using the fiducial model (solid) and Σnorm,III = 0 (dashed).

IMF

The last parameter we explore is the IMF of Pop. III stars. Our fiducial model is quite

similar to the Pop. II IMF as we assume a Salpeter IMF that favours the formation of

low-mass stars. The only difference is that we take larger lower and upper limits (1 M⊙
and 500 M⊙). We consider two log-normal IMFs labelled logA and logE as in Tumlinson

(2006) with the parameters summarized in Table 3.2. For these IMFs we have spectral

energy distributions (from Raiter et al. 2010) which will be used in Section 3.4). The

IMF logA is centred at M = 10M⊙, which enhances the probability of a Pop. III stars

ending its life as a core-collapse SN. logE is centred at even a higher mass (M = 60M⊙),

so we expect most of the stars with very short lifetimes to end their lives by collapsing

into a black hole without any supernova explosion. Compared to the Salpeter IMF, both

log-normal IMFs do not have many low mass stars (M < 8M⊙).

Decreasing the lifetime of Pop. III stars make the Pop. III SMF in Fig. 3.18 shift to

lower masses, increasing the separation between the two peaks of the total SMF (the
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Figure 3.18: As Fig. 3.6 using the fiducial model (solid), the logA IMF (dotted) and the
logE IMF (dashed).
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Figure 3.19: As Fig. 3.8 using the fiducial model (solid), the logA IMF (dotted) and the
logE IMF (dashed).

effect of changing the IMF towards higher masses is the opposite of increasing the SF

efficiency). The difference between the fiducial model and one adopting the logA IMF

is less than one dex. However, in the logE IMF model, most of the stars die in the same

snapshot in which they form (the lifetime of a 60M⊙ star is ∼ 4.5 Myr, which at z < 15

is less than the time separation between two consecutive snapshots in meraxes, see also

Fig. 3.5). This effect strongly prevents the build-up of Pop. III systems, and in Fig. 3.18,

we can see that the most massive Pop. III galaxies at z = 5 haveM ∼ 105M⊙. There are

no differences in the Pop. II SMF with different IMFs.

In difference from the SF efficiency, the IMF mostly affects the stellar mass function.

This is because the main change is with respect to the lifetime of Pop. III stars. In Fig.

3.19 we see that there are no significant differences in the SFRD from adopting different

IMFs, except for the first few snapshots of our simulation where the star formation is

mildly reduced in the logE model. This result comes from the stronger feedback typical

of the more top-heavy IMF (a larger number of massive stars implies more supernovae),
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and it has a stronger impact at z ≥ 24 when Pop. III star formation is dominating.

In conclusion, the global evolution of Pop. III stars are strongly dependent on the

star formation efficiency because high ϵSF,III increases both the SMF and the SFRD. The

evolution is also dependent on the IMF adopted (although the IMF affects only the SMF).

The critical metallicity has an impact only if we consider a high value, and it mostly

affects the self-enrichment as most of the galaxies in our simulation get their metals

from their own star formation rather than from an external metal bubble. The critical

surface density instead has only a small impact on the Pop. III star formation history

and it is restricted to small mass halos and high-z.

3.4. Pop. III observability with JWST

Unconstrained Pop. III free parameters in our model have an impact on the redshift evo-

lution of the SMF and SFRD. However, our model predicts a consistent number density

of Pop. III dominated systems with stellar masses between 103 − 105 M⊙. Here we will

explore the UV luminosity of these systems using the model described in Section 3.2.7

focusing on the luminosity functions at very high-z.

Given the same total stellar mass, Pop. III systems have larger luminosities compared

to Pop. II galaxies, but shine for shorter times. This is demonstrated in figure 3.20 where

we show the evolution in the first 10Myr of the SED of a Pop. III galaxy that forms 105M⊙

Pop. III stars at z = 8 (top panels) and the absolute UV magnitude (bottom panels) at dif-

ferent times ∆t since the star formation burst. Left, mid and right panels assume a Pop.

III Salpeter, logA and logE IMF respectively. The black horizontal line corresponds to

the magnitude computed assuming a continuous star formation throughout the snap-

shot. For reference, we also show the magnitude of a Pop. II galaxy forming the same

amount of Pop. II stars (red dashed line). Firstly, we notice that Pop. III galaxies with

continuous star formation and a log-normal IMF are one magnitude brighter than Pop.

II galaxies with the same SFR (while there is no significant difference if Pop. III stars fol-

low a Salpeter IMF). Once we focus on the instantaneous star formation model for Pop.
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III stars, the brightness of the galaxy can be boosted (or reduced) by several magnitudes

depending on the time ∆t following the burst at which we are observing the system (see

also Trussler et al. 2023). Even when we consider a Salpeter IMF, the brightness of a

Pop. III galaxy changes ∼ 2 mags in ∼ 10Myr. This change is more dramatic for the log-

normal IMFs (especially for the logE IMF where in 10 Myr ∆MAB ≃ 7 mags). The large

difference between the instantaneous and continuous star formation models shown in

Fig. 3.20 for a single Pop. III galaxy will reflect in the entire population and potentially

lead to a higher number density of extremely bright Pop. III galaxies.

Fig. 3.21 shows the luminosity function (computed as described in 3.2.7). As a result of

instantaneous Pop. III star formation, there are chances to observe these galaxies at a

time when their luminosities are higher than what is given by the continuous scenario.

This is reflected in Fig. 3.21 where we see the bright end of the solid cyan line shifting

to higher luminosities. When looking at the total luminosity function we see a much

significant Pop. III contribution to the number density of galaxies around MAB ∼ −16

when assuming a LogE IMF for their SF.

Given their larger brightness, a population of Pop. III galaxies with a top-heavy IMF

has been suggested as a possible explanation for the abundance of bright galaxies at

z > 10 (see, e.g. Trinca et al. 2023; Yung et al. 2023 and Harikane et al. 2023). Without

invoking any exotic physics or a revision of the standard ΛCDM model of cosmology,

other possible explanations are a combination of increased star formation efficiencies at

high-z and reduced feedback (Qin et al. 2023), bursty star formation (Sun et al. 2023),

cosmic variance (Shen et al. 2023) and a modified ΛCDM power spectrum (Parashari &

Laha 2023; Padmanabhan & Loeb 2023). Here, we show the predicted UV luminosity

functions at z = 16,12,11,10,9 (we chose these values as the ones for which there are

more JWST observations available). Results for different IMFs and different star forma-

tion efficiencies are summarized in Fig. 3.22 where all the other Pop. III parameters are

taken as in the fiducial model. For all the models considered below, our total luminos-

ity function agrees with early JWST observations at z ≤ 12 (except for the points at

MAB < −19 where we do not have galaxies in meraxes).

With our fiducial parameters (dashed lines), both with the Salpeter and with the logA
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Figure 3.21: Total (black) and Pop.III (cyan) UV luminosity function at z = 16 assuming
the Salpeter (top) and the logE (bottom) IMF. Solid lines are computed assuming that Pop.
III stars form in a single burst, dashed lines take a continuous star formation model.

86



10 4

10 3

10 2

10 1

z = 16 z = 12 z = 11 z = 10 z = 9

10 4

10 3

10 2

10 1

lo
g 1

0
(

/M
pc

3 m
ag

1 ) Trinca23

12 16 20

10 4

10 3

10 2

10 1 Harikane23
Perez23
Donnan23

12 16 20 12 16 20
MAB

12 16 20 12 16 20
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IMF (upper and middle row), we find that Pop. III systems are not the brightest galaxies

at the redshift considered (MAB ≥ −14). However, when we consider a log-normal IMF

with a characteristic mass of 60M⊙ (lower row), Pop. III galaxies become significantly

brighter (the cyan line approaches the black line) and at z = 12 and 16 when some of the

brightest systems (MAB ∼ −16) are Pop. III dominated. Even though most of the Pop. III

galaxies are still very faint (well below the sensitivity of JWST). This result may indicate

that Pop. III dominated galaxies are present at z > 12.

This result becomes more robust when considering αSF,III = αSF,II (solid lines). The

bright end of the total and Pop. III dominated galaxy UVLF shifts of 1 − 2 magnitudes

(depending on the IMF) at z = 16 and 12. At z ≤ 11, there is no or little difference in

the total UVLF with different star formation efficiency even though Pop. III dominated

galaxies are still ∼ 1 mag brighter. Models with a Salpeter or a log-normal IMF centered

at 10M⊙ predict that the bright end of the UVLF at z = 16 is impacted by Pop. III

dominated systems while at z ≤ 12 none or very few of the brightest galaxies are Pop.

III dominated. Overall, the abundance of bright galaxies at z ≥ 12 is better explained by

the model with the logE Pop. III IMF and αSF,III = αSF,II = 0.08. For this model at z ≥ 12

we find Pop. III dominated galaxies with MAB ≃ −18 and at z = 16 all the brightest

galaxies (MAB ≤ −16) are Pop. III dominated.

The results discussed above considered a star formation efficiency αSF,III ≥ 0.008 which

allows the formation of Pop. III stellar systems in meraxes with masses up to ∼ 105M⊙.

These values are substantially higher than what predicted by some hydro-dynamical

simulations (e.g. Xu et al., 2016; Sarmento & Scannapieco, 2022). This may suggest lower

star formation efficiencies than what considered in this work making Pop. III galaxies

much fainter and very unlikely to be observed. We compared our results with Trinca

et al. (2023) (black pentagons in Fig. 3.22), and found a good agreement at z ≤ 12 and

MAB ≲ −16.5 for all the models considered. The main differences are that at z = 9, we do

not have any galaxy withMAB ∼ −20, and their model has a steeper evolution predicting

many more faint galaxies. At z = 16 only models with αSF,III = 0.08 and a log-normal

IMF reproduce their results at −14 ≤ MAB ≤ −18. Even though the total UVLF are

similar, their Pop. III contribution is significantly lower, especially when compared to

the models with αSF,III = 0.08 (their results predict that less than 10% of bright galaxies
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at z = 15 − 16 host an active Pop. III stellar population). Given that the choice of Pop.

III free parameters are similar (they also take αSF,III ∼ 0.1 and account for a critical

surface density of the cold gas before forming Pop. III stars). The main differences in

the model that can explain the different results are (i) the homogeneous feedback and

(ii) the Pop. III luminosity calculation. In their model, both the radiative feedback and

the chemical enrichment are homogeneous; this might overestimate the suppression of

Pop. III systems at z ∼ 10 − 20 (when the LW background is effective). Regarding the

second point, our model accounts for the fact that a Pop. III galaxies might be observed

immediately after they formed stars. As shown in Fig. 3.21, this enables us to boost

the luminosity of some Pop. III dominated galaxies by several magnitudes. Without

accounting for this effect, our Pop. III galaxies would have similar luminosity to those

predicted by Trinca et al. (2023).

The main limitation of our results is that, given the small size of the simulation, we

intrinsically miss the brightest galaxies (at z ≥ 9 we do not get galaxies brighter than

MAB ≃ −19). Larger simulation volumes will allow us to be conclusive, but this result

suggests that if Pop. III stars are still forming at z ≥ 10−12, and they have a top-heavy

IMF, they do not require increased star formation efficiencies to outshine the Pop. II

systems. As Pop. III dominated galaxies become much more rare at z ≲ 10, this scenario

allows us to increase the abundance of bright galaxies only at z > 10 without boosting

the bright end of the UV luminosity function at lower redshift hence we achieve a good

agreementwith early JWST observations fromDonnan et al. (2023); Harikane et al. (2023)

and Pérez-González et al. (2023).

3.5. Conclusions

In this chapter, we studied Pop. III star formation in mini-halos with an updated version

of the meraxes semi-analytic model of galaxy formation that includes Lyman-Werner

background and the streaming velocities. We also implemented external metal enrich-

ment following the growth of the supernova bubbles according to the Sedov-Taylor

model. We computed the bubble size distribution function and found that our results

agree with Trenti et al. (2009) (most bubbles are smaller than 150h−1 ckpc at z = 6 and
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have a typical size of 100−200 ckpc at z = 5) hence most halos get self-enriched rather

than externally polluted. Only low-mass halos (Mvir ≤ 107.5M⊙) at z < 10 are more

likely to get their metals from the IGM. This is a consequence of the small size of the

supernova bubbles that results in a small filling factor (0.1% at z = 12 and less than 1%

at z = 5.)

The free parameters allow us to explore the global properties of Pop. III dominated galax-

ies. We ran this model on top of a dark matter-only N-body simulation able to resolve

all the mini-halos down to ∼ 3× 105M⊙ at z ≤ 30. We explored the impact on the SMF

and SFRD of the main free parameters of our model. All models converge at z ≲ 10.

However, Pop. III star formation efficiency and IMF lead to differences at high-z.

Finally, we investigated the SED evolution of a Pop. III dominated galaxy for different

IMFs. The shorter lifetime of a Pop. III galaxy motivated us to use an instantaneous star

formation model when computing the luminosity function. We computed the total and

the Pop. III galaxy UV luminosity functions and compared these to the early JWST re-

sults in order to study whether the excess of bright galaxies at high-z could be explained

by a population of Pop. III dominated galaxies. Having explored different IMFs and star

formation efficiencies, our model predicts, for a log-normal IMF with a characteristic

mass of 60 M⊙ and a Pop. III star formation efficiency comparable to the Pop. II, most

of the brightest galaxies at z ≥ 12 and all at z = 16 (MAB = −18) are Pop. III dominated.

Even with a smaller mass or a Salpeter IMF, Pop. III dominated systems still have an

impact on the bright end of the UVLF at z = 16. In conclusion, this work supports the

scenario for which top-heavy Pop. III dominated galaxies might explain the abundance

of bright JWST galaxies at z ≥ 12 without requiring very high star formation efficiencies

or extremely weak feedback at high-z.
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CHAPTER 4

HeII emission from Pop. III star formation during the Epoch

of Reionization.

Alice come te la passi?

Com’è la vita nei palazzi?

Ma ti ricordi quei ragazzi al tea party, teiera maxi

Esagerati com’era Gatsby

Caparezza - Il mondo dopo Lewis Carroll (2021)

This chapter is based on a preliminary draft in preparation of

E. M. Ventura, A. Venditti, R. Schneider, V. Bromm, J. B. Muñoz, J. S. B. Wyithe

to be submitted to Monthly Notices of the Royal Astronomical Society

Reformatted with the following change only:

• The text is styled and restructured to match the rest of this thesis.

4.1. Introduction

In the previous chapter we focused on the first episodes of star formation mostly occur-

ring in metal-free mini-halos (≲ 107 M⊙) or in strongly LW irradiated atomic cooling
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halos (∼ 108 M⊙) at z ≳ 15− 20. Under such conditions, a direct detection is extremely

challenging with JWST even under optimistic assumptions on the IMF and lensing mag-

nification (e.g. Schauer et al. 2020; Trussler et al. 2023) and one can only hope to see

an impact on the UVLF. However, the metal enrichment of the IGM and ISM is not an

instantaneous process (see Section 3.2.5), and a number of cosmological simulations and

semi-analytical models have shown that Pop. III star formation can persist down to

z ∼ 5. This late Pop. III star formation is expected in metal-free pockets in more massive

halos (109−10 M⊙, e.g. Venditti et al. 2023; Zier et al. 2025) or in halos strongly irradiated

by a Lyman Werner (LW) background that halts H2 cooling delaying the star formation

until the halo is able to cool down the gas via atomic hydrogen (as seen in Chapter 3).

At the present day, only four Pop. III candidates have been detected with JWST

(Vanzella et al. 2023; Maiolino et al. 2024; Wang et al. 2024; Fujimoto et al. 2025b). These

candidates lack of spectroscopy except for theHeII emitter candidate in GN-z11 observed

by Maiolino et al. (2024). Despite the lack of spectroscopic confirmation, the candidate

found in Fujimoto et al. (2025b) at z ∼ 6.5 within the GLIMPSE∗ field (Atek et al. 2023;

Kokorev et al. 2025) shows key Pop. III features such as strong Hα lines and Balmer

jump, undetectable metal line and no dust. As shown by Venditti et al. 2025, this obser-

vation points toward a late Pop. III star formation either more massive or burstier than

what it is usually assumed.

Motivated by these observations we further updated meraxes in order to investigate

the late Pop. III star formation in more massive halos down to the Epoch of Reionization

(EoR). In Chapter 3, meraxes was updated with mini-halo physics and Pop. III star for-

mation. That model assumes a perfect chemical mixing in the disk gas so that all stars

forming in a snapshot will be either Pop. III or Pop. II. This is a typical feature of all

SAMs at high-z. In this work instead we distinguish two gas phases in the disk with

different metallicity assuming an inside-out chemical enrichment in the ISM. This ulti-

mately allows the formation of two distinct stellar populations based on the metallicity

of the two gas phases in the galactic disk. Within this new framework, Pop. III stars

can form in the peripheric regions of the disk of atomic cooling galaxies during the EoR.

With this new model we aim to predict the occurrence and the environment of this late
∗http://www.jwst-glimpse.com/
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Pop. III star formation and estimate their associated HeII luminosity in order to inform

future JWST surveys looking for Pop. III star clusters. Recently, Hegde & Furlanetto

(2025) developed a similar framework that accounts for Pop. III star formation towards

the end of the EoR.

In Section 4.2 we will present the updated version of meraxes including a new cal-

culation of the disk size based on conservation of angular momentum (similar to what

done in Marshall et al. 2019) and the calculation of the HeII luminosity based on Venditti

et al. (2024). We then present the key results on the statistics of Pop. III star forming

systems for various simulations in Section 4.3. Finally, in 4.4 we will briefly discuss the

future work that will be done in order to predict the HeII emission of these late Pop. III

clusters during the EoR in context of upcoming JWST surveys.

Our simulations use the best-fitting parameters fromPlanckCollaboration et al. (2016):

h = 0.6751, Ωm = 0.3121, Ωb = 0.0490, ΩΛ = 0.6879, σ8 = 0.8150, and ns = 0.9653.

4.2. HeII luminosity of Pop. III galaxies in meraxes

Our starting point is the SAM Meraxes with the updates presented in Chapter 3.

The gas reservoirs of a galaxy in meraxes (cold, hot and ejected) were so far assumed

to be chemically homogeneous. Under this approximation, Pop. III stars can form only

in low mass halos that have not experienced star formation because of the very efficient

enrichment from Pop. III supernovae. We now relax this approximation by assuming

that the enrichment proceeds inside-out and so we split the disk reservoir in two com-

ponents: an inner and more chemically enriched part and an outer, less enriched part

which in principle might host Pop. III star formation at later times. This is schematised

in Fig. 4.1 and the details of this implementation are discussed in 4.2.2.

Since this new model relies on using accurate disk morphology we also update the

calculation of disk size following Marshall et al. (2019) as described below.

4.2.1. Angular momentum transfer model

In previous versions of meraxes, the scale radius of the disk Rdisk is computed from

the spin parameter of the host halo λ = |j̄H |/(
√

2RvirVvir) as Rdisk = Rvirλ/
√

2 where

93



Figure 4.1: Inside-out disk scheme.

Rvir and Vvir are the virial radius and velocity of the halo and j̄H is the specific angular

momentum (Mo et al. 2010). The rotational velocity of the gas disk Vdisk is equal to the

maximal circular velocity of the halo. While the properties of dark matter halos provide

a good approximation for these disk quantities, they can also jump significantly between

adjacent snapshots due to imperfection of the halo finder algorithms. These have been

highlighted by a recent work of Chandro-Gómez et al. (2025) and include the small halo

problem and the central-satellite swap. Ultimately, this results in an unphysical evolution

of disk radius and velocity.

We therefore implement a physically motivated prescription already introduced in

Marshall et al. (2019) to compute the scale radius and velocity of galactic disks which as-

sumes the conservation of angular momentum throughout all processes that increment

or remove gas from the disk. Note that, differently from Marshall et al. (2019), we do not

split the galaxy into a bulge and a disk component, but we assume that galaxy are pure

disks. We refer the interested reader to Marshall et al. (2019) as here we only summarise

the key assumptions and features.

As in the previous versions, the disk profile is assumed to be of an exponential thin disk

Σ(r) = (Mdisk/2πR
2
disk)e−r/Rdisk with a flat rotation curve V (r) = Vdisk. Any change of

mass in the disk is treated as a vectorial summation of the existing disk (1) and a pseudo-

disk of the added (or removed) material (2). By assuming energy and angular momentum

conservation the properties of the new disk after thematerial has been added or removed
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can be computed as:

Vnew =

√
M1V

2
1 +M2V

2
2

M1 +M2
(4.1)

Rnew =
|J̄new|

2Vnew(M1 +M2)
(4.2)

where J̄new = J̄1 + J̄2 is the total angular momentum of the new disk.

This process is applied throughout the entire evolution of the disk from the gas cool-

ing, until the star formation and the associated supernova feedback. We highlight that

this update concerns only the disk. The hot gas which resides in the halo is still assumed

to have the same angular momentum as the dark matter halo j̄H . Additionally, since we

do not have bulges, we do not consider gravitational instabilities of the disk that transfer

stellar mass from the disk to the bulge as in Marshall et al. (2019).

4.2.2. 2-phase gas model

After having improved the calculation of the disk properties we now introduce the 2-

phase disk model which provides the backbone of this work to study late Pop. III star

formation. We apply this formalism in a large box (L = 210h−1 cMpc) resolving all the

atomic cooling halos at z ≤ 20 (Mres ≃ 3 × 107M⊙) already introduced in Balu et al.

(2023a).

Under the assumption of an inside-out enrichment we can split the gas disk into an

inner and outer reservoir with different metallicities. To determine the radius at which

this splitting occurs we follow the approach outlined below:

1. Before a galaxy formed any stars, the disk gas is assumed to be at the same metal-

licity above the critical value to form Pop. III stars. We adopt this conservative

assumption since we do not follow the evolution of the galaxy when it was a

mini-halo and likely already formed stars providing some metals in the cold gas

reservoir. Under this approximation, the first episode of star formation of a galaxy

in meraxes is always Pop. II.
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2. When a galaxy form stars for the first time, we define the new variable R⋆ which

indicates the radius up towhich the galaxy is forming stars. Following Croton et al.

(2016), this can be computed from the disk scale radius and is given by 3×Rdisk.

This radius defines the separation between the inner and the outer region of the

galaxy, the inner region (R ≤ R⋆) will be polluted with metals ejected from the

supernovae, while the outer region (R > R⋆) is not directly polluted by metals.

This external region can get metals only from the hot gas when it cools down as

we assume that the hot gas will accrete uniformly onto the disk. So we will have

two different metallicities inside (Z1) and outside (Z2) R⋆ with Z1 > Z2.

3. At each following snapshot, the galaxy will increase its mass (and consequently

Rdisk) while R⋆ stays fixed. We compute how much metals and gas from the

hot reservoir will accrete onto the two different regions under the assumption

of an exponential thin disk profile Σdisk(r). The total mass cooled at the snap-

shot i Mcooling,i is splitted into the internal (Mcooling,1) and external (Mcooling,2)

component by integrating the disk profile so thatMcooling,1 =
∫ R⋆

0
2πΣ(r)rdr and

Mcooling,2 =
∫∞
R⋆

2πΣ(r)rdr . The same is done for the metals.

4. At a later time, when the same galaxy will undergo a second episode of star for-

mation, the galaxy can form two different stellar population: at R ≤ R⋆ the star

will form with metallicity Z1 while outside with metallicity Z2. This opens up

a scenario for which we can form Pop. III stars in the outer disk if Z2 is below

the critical metallicity defining the Pop. III/II transition. R⋆ will then be updated

according to the new value of Rdisk.

5. In case of major merger that triggers star formation, we will assume a perfect

mixing between the gas reservoirs of the two galaxies (disks are assumed to be

destroyed by a major merger), hence we will compute the metallicity of the disk

of the newly formed galaxy summing the metals of the two merging galaxies over

the total cold gas. In case of a minor merger instead, the small galaxy is accreted
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onto the big one without any disk disruption and the new R⋆ will be inherited

from the larger galaxy.

Despite this framework assumes an exponential thin disk profile which does not nec-

essarily represent themorphology of high-z galaxies, we highlight that the amount of gas

accreted in the two distinct reservoirs depends only on the integrated quantity making

the result less sensitive to the specific morphological model. Finally, while this model

represents a significant advancement to spatially resolve different galactic regions at

high-z within a semi-analytical model, with this framework we can differentiate only

between two different regions purely based on the galactocentric distance without re-

solving finer spatial structures.

4.2.3. Simulation runs

With this framework in place, we ran six simulations varying different Pop. III param-

eters (see Table 4.1). As discussed in Section 3.3, the main Pop. III parameters are the

IMF, the critical metallicity Zcrit and the star formation efficiency (SFE) αSF,III. All the

simulations use the new two-phase disk model with the updated computation of disk

size and include self-consistent reionization.

We chose the same fiducial model as in 3.3. This simulation is quite conservative as

it assumes a bottom-heavy IMF (Salpeter between 1 and 500 M⊙) and a low SFE (10%

of the value adopted for the Pop. II one, where αSF,II = 0.06). We then explore more

optimistic - but still reasonable - assumptions on the star formation efficiency and IMF.

All the runs except for the last one include the external metal enrichment introduced

in Section 3.2.5 that allows galaxies to accrete chemical enriched gas when a galaxy is

found inside a metal bubble.

4.2.4. HeII model

In order to compute the luminosity of the HeII line associated with a Pop. III cluster, we

adopted the same formalism presented in Venditti et al. (2024) where

LHeII = EHeIIϵ̄HeIIM⋆ ,III (4.3)
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is the intrinsic HeII luminosity emitted by a Pop. III star cluster with mass M⋆,III, EHeII ≃

10−11 erg is the energy of a HeII photon (λ = 1640Å) and ϵ̄HeII is the average HeII

emissivity per unit of stellar mass. This latter quantity is obtained by integrating the

time-averaged HeII photon production rate of individual Pop. III stars ϵHeII(M) over the

adopted IMF φ(M) as:

ϵ̄HeII =

∫
φ(M)ϵHeII(M)dM∫

φ(M)dM
. (4.4)

We took the tabulated values of ϵHeII(M) for the chosen IMFs from Schaerer (2002) as-

suming no mass loss. We highlight that the value of ϵ̄HeII changes significantly depend-

ing on which IMF is chosen and for more top-heavy IMFs (e.g. Salpeter between 50 and

500 M⊙) can be up to two order of magnitudes higher than for a bottom-heavy IMF. This

model assumes no dust attenuation.

4.3. Results

4.3.1. Pop. III statistics

We start by analyzing the statistics of Pop. III systems in the fiducial simulation. In

particular we will be focusing at z ≲ 10 in order to compare with the JWST Pop. III

candidates detected so far.

Fig. 4.2 shows the total (black line) and Pop. III (cyan line) stellar mass function (SMF)

at z = 6 − 10. This is computed using all the active stars in the galaxy (solid line) and

the ones formed at that snapshot (dashed lines). The high-mass tail (M⋆ ≳ 106 M⊙) is

entirely populated by Pop. II stellar systems as expected. The peak of the Pop. III stellar

mss is at ∼ 104 M⊙ with a tail extending up to 106 M⊙. Given the choice of the Salpeter

IMF for Pop. III stars, if a galaxy experiences more than one episode of Pop. III star

formation, it can build up more Pop. III stellar mass as shown by the difference between

the dashed and solid cyan lines. While this leads to more massive Pop. III systems

(∼ 106 M⊙ at z = 6), most of these stars would have low masses (< 8 M⊙) hence they

would likely be undetectable). If we look instead at the masses formed in that snapshot,

the most massive Pop. III cluster at z = 6 has a Pop. III mass of ∼ 6× 105 M⊙.

In Fig. 4.3 we then look at the galaxymain sequence (i.e SFR vs stellar mass) at z = 6.5.
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Figure 4.2: SMF at z = 10, 8, 7, and 6 for all stars (black) and Pop. III (cyan) using the
fiducial model. Dashed line show the masses of the stars formed in that snapshot.
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Figure 4.3: MS of star forming galaxies in meraxes at z = 6.5. Pop. III star forming,
dominated and pure galaxies are highlighted with blue, orange and green dots respec-
tively.
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Here we highlight the galaxies that are forming Pop. III stars. Specifically, blue, orange

and green dots represents galaxies in which the Pop. III star formation is subdominant

(< 50%), dominant (≥ 50%) or pure (≥ 99%). Most of systems hosting Pop. III stars

have total stellar masses below ∼ 5 × 106 M⊙ with a few galaxies of ∼ 107 M⊙ with

subdominant Pop. III star formation. Both Figures 4.2 and 4.3 indicate that during the

EoR, Pop. III star formation survives only in the low-mass end of the atomic cooling

halos and the average Pop. III masses can be up to few 105 M⊙.

4.3.2. Impact of the external metal enrichment

The results from the previous section show that, in more massive galaxies during the

EoR, metal enrichment is sufficient to raise the gas metallicity above the critical thresh-

old, effectively halting Pop. III star formation. In the fiducial run, metals originate either

from in-situ star formation and subsequent supernova (SN) enrichment or are accreted

into the hot halo from nearby SN-driven bubbles. As discussed in Section 3.2.5, this

external enrichment can significantly impact low-mass halos during the EoR. We now

adopt a more optimistic assumption for which galaxies always accrete pristine gas in the

hot halo unless they are reincorporating gas from the ejected reservoir.

In Fig. 4.4 we compare the SMF at z = 6.5 obtained with the fiducial (black and cyan)

and the No External Enrichment (grey and blue) simulations. While the high mass end

of the total SMF is almost unchanged, the Pop. III contribution are significantly affected.

In the No External Enrichment run (blue lines), Pop. III cluster are significantly more

common and the high-mass tail extends to higher masses (the most massive Pop. III

cluster has M ∼ 106 M⊙. Despite this high-mass tail, the distribution still peaks at mass

of ∼ 104 M⊙.

Turning off the external metal enrichment affects also the galaxy MS as shwon in

Fig. 4.5. While the global distribution is almost identical, there are significantly more

Pop. III systems in the 105−107M⋆ range. Specifically, a large number of galaxies with

∼ 106M⋆ are Pop. III dominated or pure. As for the SMF, the high-mass tail of the MS

is entirely populated by galaxies that are forming only Pop. II stars showing that the

external enrichment affects only low-mass galaxies.
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metal enrichment (grey and blue lines).
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Figure 4.5: As Fig. 4.3 for the No External Enrichment run.
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Figure 4.6: Pop. II (red) and Pop. III (cyan) SFRD vs z for the fiducial (solid) and No
External Enrichment (dashed) simulation together with the constraint from Fujimoto
et al. (2025b).

4.4. Discussion and future work

These preliminary results indicate that Pop. III star formation persists down to the EoR

in peripheral regions of low-mass atomic cooling halos even under conservative assump-

tions of low star formation efficiency and efficient chemical enrichment. The next step

is to assess whether or not these Pop. III clusters are observable in order to inform fu-

ture JWST surveys hunting for Pop. III stars. While we have not estimated the HeII

luminosity associated with the Pop. III star forming systems yet, we can compare the

global star formation rate density (SFRD) with the first constraints from Fujimoto et al.

(2025b) based on the GLIMPSE Pop. III candidate at z ∼ 6.5. As shown in Fig. 4.6,

turning off the external metal enrichment increases the global Pop. III SFRD in atomic

cooling halos by an order of magnitude during the EoR. This leaves almost unchanged

the Pop. II contribution since the cyan line is several orders of magnitude below the red

one. Both simulations fall within the constraint from Fujimoto et al. (2025b) at z ∼ 6.5

showing that at this stage, having only one Pop. III candidate, is probably too early to

differentiate between optimistic and conservative Pop. III models.

As a future step that will not be discussed in this thesis, we will investigate various

Pop. III models (see Table 4.1), compute the HeII luminosity distribution and compare it

with the candidate identified by Fujimoto et al. (2025b).
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CHAPTER 5

Semi-analytic modelling of Pop. III star formation and

metallicity evolution - II. Impact on 21cm power spectrum.

Mi chiamo Marco, sento il gelo dei riflettori

Vorrei rimanerne fuori, ma il mondo vuole che vada in tour

Entro in classifica perché la fama è cieca

Così cieca che in fondo non mi riguarda più

Caparezza - La Scelta (2021)

This chapter is based on

E. M. Ventura, Y. Qin, S. Balu, J. S. B. Wyithe (2025),

Monthly Notices of the Royal Astronomical Society: 540, 483

Reformatted with the following changes only:

• The text is styled and restructured to match the rest of this thesis.

• Where necessary, bibliographic records are updated.
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Simulating Population (Pop.) III star formation in mini-halos in a large cosmological

simulation is an extremely challenging task but it is crucial to estimate its impact on the

21cm power spectrum. In this work, we develop a framework within the semi-analytical

code meraxes to estimate the radiative backgrounds from Pop. III stars needed for the

computation of the 21cm signal. We computed the 21cm global signal and power spec-

trum for different Pop. III models varying star formation efficiency, initial mass function

(IMF) and specific X-ray luminosity per unit of star formation (LX/SFR). In all the mod-

els considered, we find Pop. III stars have little to no impact on the reionization history

but significantly affect the thermal state of the intergalactic medium (IGM) due to the

strong injection of X-ray photons from their remnants that heat the neutral IGM at z ≥

15. This is reflected not only on the 21cm sky-averaged global signal during the Cosmic

Dawn but also on the 21cm power spectrum at z ≤ 10 where models with strong Pop. III

X-ray emission have larger power than models with no or mild Pop. III X-ray emission.

We estimate observational uncertainties on the power spectrum using 21cmsense and

find that models where Pop. III stars have a stronger X-ray emission than Pop. II are

distinguishable from models with no or mild Pop. III X-ray emission with 1000 hours

observations of the upcoming SKA1-low.

5.1. Introduction

Observations and models of the EoR are converging on a scenario where the Universe

was completely ionized by z ∼ 5.3 (e.g. Fan et al., 2006; Ouchi et al., 2010; McGreer et al.,

2015; Chardin et al., 2015; Planck Collaboration et al., 2020; Qin et al., 2021a; Bosman

et al., 2022; Jin et al., 2023; Qin et al., 2024) with reionization likely driven by low-mass

halos (e.g. Kuhlen & Faucher-Giguère 2012; Finkelstein et al. 2012; Robertson et al. 2015;

Qin et al. 2021b; Saxena et al. 2024; Mutch et al. 2024, although see Muñoz et al. 2024

and Witstok et al. 2025). However, the impact of Pop. III stars and mini-halos on the

EoR is unclear. Pop. III stars are likely to be the dominant contribution to the total star

formation rate density (SFRD) at z > 15−20 and, if their IMF is more top-heavy than the

present day one, Pop. III could significantly contribute to the heating and the ionization

of the IGM which determines the evolution and shape of the 21cm signal (e.g. Qin et al.,
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2020; Gessey-Jones et al., 2022; Sartorio et al., 2023).

The 21cm signal (introduced in section 1.4.2) represents our most promising tool to

put constraints on the thermal state of the IGM during the Cosmic Dawn and EoR. Even

though no confirmed detection has been reported so far, the first upper limits on the

21cm power spectrum obtained with HERA phase I strongly disfavour cold reionization

scenarios (HERA Collaboration et al. 2023).

Assessing the role of Pop. III stars during the EoR and on the 21cm signal is particu-

larly challenging from a computational point of view. The variety and complexity of the

processes involved in Pop. III star formation and the resolution required to keep track

of the evolution of the gas particles, limits the size of hydrodynamical simulations to

∼ 100 kpc (see 2.2). At the same time, to study the EoR volumes of at least ∼ 200 Mpc

are required (Iliev et al. 2014; Kaur et al. 2020; Balu et al. 2023a and section 1.5.2). Even

SAMs that include Pop. III star formation in mini-halos arrive only up to scales of ∼ 10

Mpc.

In the last few years, the impact of Pop. III stars on the 21cm signal has been studied

using both analytical and semi-analytical models (e.g. Cohen et al., 2017; Chatterjee et al.,

2020; Mebane et al., 2020; Qin et al., 2020; Magg et al., 2022; Gessey-Jones et al., 2022;

Muñoz et al., 2022; Hegde & Furlanetto, 2023; Ventura et al., 2023; Sartorio et al., 2023;

Cruz et al., 2024a). However these models either did not compute reionization (e.g. Magg

et al. 2022; Hegde & Furlanetto 2023; Cruz et al. 2024a), focusing only on the absorption

trough of the 21cm signal occurring at z ∼ 13 − 20, or used a very simple analytical

approach to compute reionization (e.g.Ventura et al. 2023). On the other hand, Cohen

et al. (2017), Qin et al. (2021a) and Muñoz et al. (2022) used a simple analytical model for

modeling Pop. III star formation but computed the reionization self-consistently.

In this work, we overcome these challenges using a realistic Pop. III star formation

and mini-halo model (see Chapter 3) developed within the semi-analytical model mer-

axes designed to self-consistently couple galaxy formation and reionization. While in

Chapter 3 we ran this model on a small (L ∼ 10 Mpc) and high-resolution box, here

we extend it to a significantly larger volume simulation (L ∼ 310 cMpc) enabling the

study of cosmic reionization. Since at such large volumes we cannot directly resolve

mini-halos, we implemented scaling relations between the SFRD and the dark matter
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density field calibrated on the results from the small and high-resolution box discussed

in Chapter 3. With this new model we are able to accurately follow the evolution of the

radiative backgrounds relevant to the EoR and 21cm signal (X-rays, Lyman-α, ionizing

UV, Lyman-Werner) and to disentangle the contribution of Pop. III star formation to the

21cm global signal and power spectrum. Pop. III stars are expected to have a stronger

impact at z ≥ 15 where they dominate star formation and ionization. In this work we

focus our attention on the residual signature of Pop. III on the 21cm power spectrum at

z ≤ 10 where the sensitivity of SKA is expected to be significantly better and a detection

is more plausible. This study allows us to assess under which conditions an early heating

of the IGM from Pop. III stars leaves a detectable imprint on the 21cm power spectrum

at z ≤ 10.

This chapter is structured as follows. In Section 5.2 we give a brief overview of Pop.

III star formation in meraxes. In Section 5.3 we present the scaling relation between the

SFRD in mini-halos and the density field calibrated from the small and high-resolution

box which is implemented in the large (310 cMpc)3 box. In Section 5.4 we discuss the

impact of different Pop. III star formation models on the 21cm power spectrum and in

Section 5.5 we make forecasts on the observability of these power spectra with SKA.

Finally, we summarize our main results and conclusions in Section 5.6. Our simulations

use the best-fit parameters from the Planck Collaboration et al. (2016): h = 0.6751,Ωm =

0.3121, Ωb = 0.0490,ΩΛ = 0.6879, σ8 = 0.8150, and ns = 0.9653.

5.2. Pop. III galaxies in Meraxes

This chapter relies on the latest version of the SAM meraxes∗ introduced in Chapter 3

that includes Pop. III star formation and mini-halo physics. Here we only summarise

the free parameters calibrated against observations (see Tables 5.1 and 5.2). Values in

Table 5.1 are calibrated against observed luminosity functions and stellar mass functions

at z ∼ 5 − 8 while those in Table 5.2 are calibrated against constraints on the neutral

hydrogen fraction, ionizing emissivity and the Thomson scattering optical depth τe from

Planck Collaboration et al. (2020). As shown in 3.3, the Pop. III parameters with the
∗https://github.com/meraxes-devs/meraxes
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Table 5.1: Main free parameters for galaxy formation.

Parameter Description Fiducial value
αSF,II Pop. II Star formation efficiency 0.1
αSF,III Pop. III Star formation efficiency see Table 5.4
η0 Mass loading normalization 7.0
ϵ0 Supernova energy coupling normalization 1.5
Zcrit Critical metallicity for Pop III star formation 10−4Z⊙
Σnorm Critical surface density of cold gas for star formation 0.37 M⊙ pc−2

Pop. III IMF Shape of Pop. III IMF Sal [1, 500] M⊙
EPISN Energy from Pair Instability SN 1052 erg
ECCSN Energy from Core Collapse SN 1051 erg

largest impact are the star formation efficiency αSF,III and the shape of the IMF. The

latter has a large impact on galaxy evolution as it determines the strength of the feedback

and the emission properties of the Pop. III stellar population. In the following sections

we quickly summarize the main features of meraxes relevant for this work.

5.2.1. Galaxy formation

The galaxy formation part of meraxes used in this chapter is almost identical to the one

presented in Chapter 3. The only update is the addition of the effect of H2 self-shielding

which counteracts the H2 photo-dissociation, increasing the Pop. III SFRD by up to one

order of magnitude at z ∼ 10 (see e.g. Feathers et al. 2024). We discuss the details of the

implementation and impact of H2 self-shielding in meraxes at the end of this section.

The main free parameters that regulate the galaxy formation in meraxes are sum-

marized in Table 5.1. The Pop. II related ones are taken from Balu et al. (2023a) where

meraxes was run on a cosmological volume of L = 210 h−1 cMpc resolving all atomic

cooling halos and calibrated in order to match the observed UV luminosity functions

at z ∼ 4 − 7 (the agreement holds up to z ∼ 13 as shown in Qin et al. 2023) and the

stellar mass functions at z ∼ 5 − 8. Given the lack of observations of Pop. III stars, the

Pop. III parameters are largely unconstrained. The fiducial values adopted in this work

are taken from 3.3 and their values are suggested from hydrodynamical simulations (e.g.

Chon et al., 2021).
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Table 5.2: Main free parameters for reionization.

Parameter Description Fiducial value
f 0

esc,III Pop. III escape fraction normalisation 0.14
f 0

esc,II as above for Pop. II 0.14
αesc,III Pop. III escape fraction redshift scaling 0.2
αesc,II as above for Pop. II 0.2

LX<2keV,III/SFR specific Pop. III X-ray luminosity per unit star formation see Table 5.4
LX<2keV,II/SFR as above for Pop. II (erg s−1 M−1

⊙ yr) 3.16 ×1040

Including the H2 self-shielding in meraxes

Many recent simulations (e.g. Nebrin et al., 2023; Hegde & Furlanetto, 2023) have as-

sessed the importance of incorporating H2 self-shielding in mini-halos as it significantly

changes the minimummass of mini-halos capable of cooling down the gas via molecular

cooling (Mcrit,MC). While this was not implemented in Section 3.2, for this work we now

included it by updating Mcrit,MC (Eq. 3.4) taking the fitting function found in Kulkarni

et al. (2021):

Mcrit,MC =Mz=20(JLW,vbc)
(

1 + z
21

)−α(JLW,vbc)

(5.1)

where

Mz=20(JLW,vbc) = (Mz=20)0(1 + JLW/J0)β1

× (1 + vbc/v0)β2(1 + JLWvbc/Jv0)β3

(5.2)

and

α(JLW,vbc) = α0(1 + JLW/J0)γ1(1 + vbc/v0)γ2

× (1 + JLWvbc/J0v0)γ3 .
(5.3)

Mcrit,MC is a function of the Lyman-Werner flux (JLW) in 10−21 erg s−1 cm−2 and the

rms streaming velocity at recombination (vbc) in km s−1. This result is normalized to

the minimum halo mass at z = 20 in absence of LW background and streaming velocity

(Mz=20)0 and to typical values for LW background and streaming velocity (J0 = 1,v0 =

30). αn and βn are free parameters calibrated to fit results of hydrodynamical simulations

in Kulkarni et al. (2021). This fit accounts for the H2 self-shielding, so it makes the effect
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Figure 5.1: Total (black) and Pop. III (cyan) SFRD vs redshift without (solid) and with
(dashed) accounting for H2 self-shielding.

of the LWbackground onMcrit,MC less strong compared towhatwas previously assumed

in 3.2 (Visbal et al. 2015). As shown in Fig. 5.1, accounting for self-shielding increases

the Pop. III SFRD, especially when the Lyman-Werner background starts to build up. At

z ≤ 15 the Pop. III SFRD when the H2 self-shield is considered (cyan dashed line) is ∼ 1

order of magnitude higher than the no self-shield scenario (cyan solid). Similar results

have been found by Feathers et al. (2024).

5.2.2. Reionization and radiative backgrounds

Together with galaxy formation, meraxes self-consistently computes the reionization

and thermal evolution of the IGM using a modified version of the semi-numerical code

21cmfast (Mesinger et al. 2011). In this work, we compute the backgrounds relevant

for the computation of the 21cm signal: the UV ionizing, X-rays, Lyman-α and Lyman-

Werner (LW). The first is crucial to study the evolution of the reionization, while the

X-ray and the Lyman-α backgrounds determine the thermal state of the IGM. In par-

ticular the X-ray background is likely to be the dominant contribution to the heating

of the IGM once the first galaxies form and the lyman-α background is responsible for

the coupling between the kinetic and the spin temperature of the neutral hydrogen. The

LW background does not directly affect the IGM temperature, but determines whether

or not mini-halos have enough molecular hydrogen to cool the gas and form Pop. III
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stars. Hereafter, we briefly summarize the key quantities that determine the evolution

of these backgrounds. For a more detailed explanation on the implementations of these

backgrounds, we refer the reader to Balu et al. (2023a) for the UV, Lyman-α and X-ray

and to 3.2 for the LW.

The ionizing background is mostly dependent on the SFRD, the average number of ion-

izing photons per stellar baryon Nγ and the escape fraction of the UV photons fesc. The

second quantity is mostly determined by the IMF: for Pop. II stars we adopt a Kroupa

IMF which leads to Nγ ∼ 6000. Since the Pop. III IMF is a free parameter in our model,

Nγ,III is computed from the IMF adopted using the Pop. III stellar spectra from (Raiter

et al. 2010; Nγ,III ∼ 20000 − 70000). fesc is tuned to reproduce the EoR histories in

agreement with observations. As per Balu et al. (2023a), we adopt a redshift-dependent

escape fraction defined as followed:

fesc = f 0
esc

(
1 + z

6

)αesc

. (5.4)

X-ray emission is mostly associated with high mass X-ray binaries (HMXB) and its con-

tribution is proportional to the SFRD. In this work we use the widely adopted approxi-

mation for the comoving X-ray specific emissivity (erg s−1 Mpc−3) ϵx ∝ LX/ SFR × SFRD.

Finally, we need to account for the fact that only photons with an energy below 2 keV

(soft X-rays) are able to heat the IGM. As a result the main free parameter that regulates

X-ray emissivity is the soft X-ray luminosity per unit star formation LX<2keV / SFR. For

Pop. II stars, this quantity is estimated from theoretical studies of emission spectra of

HMXBs in low metallicity environments (e.g. Fragos et al., 2013; Madau & Fragos, 2017;

Das et al., 2017; Qin et al., 2020; Kaur et al., 2022). For Pop. III stars there are no ob-

servational constraints as this quantity depends on the unknown Pop. III IMF. Recently,

Sartorio et al. (2023) estimated the LX / SFR for Pop. III stars and found that for more

top-heavy IMFs this quantity can be up to two orders of magnitude higher than the Pop.

II value.

We highlight that in this work we separately compute the backgrounds from Pop. III

and Pop. II stars due to the different spectra, properties and star formation rate density

of the two distinct populations.
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5.2.3. 21cm physics

Using the radiative backgrounds computed from the galaxy population in meraxes, we

can estimate the 21cm signal. We encourage the reader to see Furlanetto et al. (2006),

Morales & Wyithe (2010), Pritchard & Loeb (2012) and Liu & Shaw (2020) for reviews on

the topic. Hereafter we only summarize the key equations used in this work (see also

Balu et al. 2023a).

We start with the 21cm brightness temperature field (δTb) which measures the deviation

of the spin temperature of the neutral hydrogen (TS ) from the cosmic background Tγ
(i.e. the CMB). This is given by (Furlanetto et al., 2006):

δTb =
TS − Tγ

1 + z
(1− e−τν0 )

≃ 27xHI(1 + δnl)
(

H
dvr /dr +H

)(
1−

Tγ
TS

)
×
(

1 + z
10

0.15
Ωmh2

)(
Ωbh

2

0.023

)
mK,

(5.5)

where τν0
is the optical depth at the 21cm transition frequency ν0, xH is the neutral

hydrogen fraction, 1 + δnl is the density contrast in the dark matter field, H(z) is the

Hubble parameter at the redshift z, and dvr /dr is the radial derivative of the line-of-sight

component of the peculiar velocity. Once the cosmological model (Planck Collaboration

et al. 2016) and the velocity and density field (from the N-body simulation) are fixed, δTb

is determined by the ionization and the spin temperature fields. The latter quantifies the

population ratio of the two HI hyperfine energy levels and is sensitive to the thermal

state (i.e. the kinetic temperature TK ) of the gas as follows:

T −1
S =

T −1
γ + xαT −1

α + xcT
−1
K

xα + xc + 1
, (5.6)

where Tα is the colour temperature which we take equal to TK while xα and xc are

the Lyman-α and collisional coupling coefficients, respectively. These coefficients quan-

tify the strength of the processes (resonant scattering of Lyman-α photons, Wouthuysen

1952, and collisions with free electrons) that drive the spin temperature towards the ki-
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Table 5.3: Simulation parameters.

Label Box side (cMpc) Mass resolution (M⊙) Pixel side
L10 10 h−1 4.71 ×105 0.2 h−1

L210 210 h−1 3.16 ×107 0.2 h−1

netic temperature (when xα + xc >> 1, TS ∼ TK otherwise TS ∼Tγ ). TK is sensitive to

the adiabatic cooling and to all the processes able to heat up (or cool) the IGM with the

most dominant coming from the X-ray emission. Hence in this work we will consider

only the X-ray heating neglecting the other source of heating such as primordial mag-

netic fields (Minoda et al. 2019; Bera et al. 2020; Cruz et al. 2024b), Lyman-α (Ciardi et al.

2010; Reis et al. 2021; Mittal & Kulkarni 2021), shocks (Furlanetto et al. 2004; Gnedin &

Shaver 2004; Ma et al. 2021), cosmic rays (Bera et al. 2023), early accreting black holes

(Mebane et al. 2020; Ventura et al. 2023) and decaying or annihilating dark matter (Liu

& Slatyer 2018; Sun et al. 2023; Hou & Mack 2024; Facchinetti et al. 2024). Ultimately,

the evolution of TS during the Cosmic Dawn and the EoR is mostly determined by the

Lyman-α (for the coupling between TS and TK ) and X-ray flux.

Using Eq. 5.5 we can estimate both the all-sky averaged global signal and its fluctuations

(i.e. the power spectrum). In this work we will often use the reduced power spectrum

∆2
21(k) = k3/2π2P21(k) unless otherwise stated.

5.3. Putting Pop. III galaxies andmini-halos in a large-

scale simulation

In this section, we present a novel approach that enables us to efficiently estimate the

SFRD from mini-halos in a large box (that does not directly resolve these objects) using

results from a small, high-resolution box. In Table 5.3 we summarize the key parameters

for both the small (L10) and large (L210) box.

5.3.1. Calibrating scaling relations from the L10 box

Our starting point is the small (L = 10h−1 cMpc) high-resolution (halo mass resolution

of M ∼ 4.7 × 105 M⊙) simulation used in Chapter 3. When building a scaling relation
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Figure 5.2: Left panel shows the density distribution of Pop. III star formation rate in
mini-halos (M⊙ yr−1 in logarithm scale) vs the darkmatter overdensity δ for each pixel at
z = 15. The thick grey line shows the analytical fit SFR ∝ eδ similar to the one adopted
by Muñoz (2023) together with the 1σ deviation (thin lines). For different values of δ
(highlighted with the black rectangles) we show the distribution of Pop. III SFR in mini-
halos (in logarithm scale) together with the best Gaussian fit.

between SFR and other physical quantity, the first obvious choice is the dark matter

density field δ. For instance Muñoz (2023) showed, as a first-order approximation, SFR

scales as eδR where δR is the density field smoothed over a certain radius R and this rela-

tionship works quite well for δ ∼ 0 and large R (≥ 3Mpc). To link our SFR in mini-halos

with the density field, we first compute density, δ(x, z), and SFR grids for both Pop. III,

SFRMC,III(x, z), and Pop. II, SFRMC,II(x, z), in the L10 box using the same grid resolution

used in Balu et al. (2023a) to compute reionization (Lpixel ∼ 0.3 cMpc) and accounting

for the SFR within mini-halos. We highlight that our Lpixel is quite small compared to

the smoothing radius R adopted by Muñoz (2023), hence we expect a significant scatter

in the above relation. We also split the contribution between Pop. III and Pop. II stars

(a chemically enriched mini-halo will form Pop. II stars). In the left panel of Fig. 5.2

we show our Pop. III SFR distribution as a function of the overdensity δ and with the

grey line we highlight the SFR ∝ eδR relation as in Muñoz (2023). Despite the significant

scatter for the reasons outlined above (σ ∼ 0.65), the analytical approximation agrees

with our results. The results shown hereafter are obtained from our fiducial simulation

in 3.3.

We start by investigating the distribution function of log10(SFR) at a fixed overdensity

δ and redshift log10(SFR(δ, z)) finding that it follows a Gaussian distribution (or lognor-

mal in the linear space).We show results for log10(SFRIII) and selected values of δ in the
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Figure 5.3: P-value distribution of K-S tests conducted on the Pop. III (left) and Pop. II
(right) star forming pixels. Vertical line highlights the significant level of 0.05.

smaller panels in Fig. 5.2. Hence, we can write:

Φ(log10(SFRMC|δ,z)) = A(δ,z)e
(log10(SFR)−log10(SFR(δ,z)))2

2σ (δ,z)2 (5.7)

where the normalizationA, themean log10(SFR) and the standard deviation σ all depend

on the overdensity and redshift. The normalization is defined as the ratio between the

number of SF pixels and the total number of pixels. We found the best fit parameters

for each δ (grouped in bins of width = 0.1) and snapshot of the simulation. We tested

whether the log10(SFR) distribution function is indeedGaussian by conducting a K-S test.

P-values are calculated for each cell with SFR > 0 and taking a predefined significance

level of 0.05 below which the null hypothesis will be rejected. Results are shown in Fig.

5.3 for both SFRIII and SFRII. P-values always exceed the significance level for both Pop.

III (left panel) and Pop. II (right panel) SFR suggesting that the Gaussian distribution

reproduces Φ(log10(SFRMC|δ,z)) both in the Pop. III and Pop. II cases. As expected, we

see that there are far more Pop. III star forming pixels than Pop. II ones as mini-halos

are more likely to form Pop. III stars.

The next step is to study how the mean, standard deviation and normalization evolve

with δ and z. In Fig. 5.4 we show the redshift evolution of these parameters for δ = 0.5

(black), 1.0 (grey), 1.5 (purple), 2.0 (red), 2.5 (green) and 3.0 (blue). SFRMC,III exhibits
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Figure 5.4: Redshift evolution of log10(SFR) (top panel), σ (mid) and A (bottom) for Pop.
III for δ = 0.5 (black), 1.0 (grey), 1.5 (purple), 2.0 (red), 2.5 (green) and 3.0 (blue).

an almost constant trend in redshift and a correlation with δ (higher δ results in higher

SFRMC,III). This demonstrates that SFRMC,III is mostly determined by the number of

Pop. III star forming halos in a pixel, which is higher for more overdense regions. Since

Pop. III star formation episodes in mini-halos are often the first episode of star formation

experienced by a galaxy, it is not impacted by supernova feedback† so the Pop. III SFR

is almost constant at all redshift. This also explains why σ is constant for all z and δ

(σMC,III ∼ 0.65). The parameter that is more sensitive to both δ and z is the normaliza-

tion. For very overdense regions (δ ≥ 2) it is almost one, meaning that almost all the

overdense pixels host Pop. III SF mini-halos. For lower δ there is also an evolution in

z as, with cosmic time, lower density regions will host a larger number of mini-halos

above the minimum mass for star formation. We repeated the same analysis for Pop. II

star forming pixels (see Fig. 5.5). In this case the evolution is more scattered as Pop. II
†Even though supernova feedback can be neglected, this is not true for the Lyman-Werner background

that halts star formation in mini-halos. For this reason we add a further condition that if a pixel is irra-
diated by a LW flux JLW ≥ Jcrit above a critical threshold defined as Mcrit,MC = Mato (the atomic cooling
threshold), Φ(log10(SFRMC)) = 0. Mato is the virial mass correspondent to a halo with a virial temperature
Tvir = 104 K. while Mcrit,MC is defined in Eq. 5.2.
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Figure 5.5: Same as Fig. 5.4 for Pop. II.

star formation episodes are not the first star forming episodes within a galaxy and so

will be affected by both mechanical and chemical feedback from the previous history of

the galaxy. This is also demonstrated by the larger standard deviation (σMC,II ∼ 0.8).

The average value of SFRMC,II is ∼ 1 order of magnitude higher than for Pop. III. This

reflects the higher Pop. II star formation efficiency. Finally, AII is always smaller than

AIII showing that it is less likely for a mini-halo to form Pop. II stars.

We test this parametrization on the small box by estimating the mini-halo contribu-

tion to the Pop. III and Pop. II SFRD from the matter density field. To do this, we read

the density grid at each z and for each pixel assign a value of Pop. III SFR drawn ran-

domly from Φ(log10(SFRMC,III)) using δ of the pixel. We repeat the same procedure for

SFRMC,II adding the constraint that in order to have SFRMC,II > 0 that pixel needs to

already have experienced a Pop. III star formation episode. This latter condition ensures

a more realistic enrichment model (a pixel cannot have Pop. II star formation if it has not

previously hosted Pop. III star formation). We ran twenty different realizations and for

each realization estimated the SFRDMC,III and SFRDMC,II and compared with results of
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Figure 5.6: (top) Pop. III (left) and Pop. II (right) SFRD vs z from meraxes (black) and
estimated from the density field (cyan). (bottom) ratio between the average of the 20
realizations for the SFRD estimated from the density field and the SFRD from meraxes.

the simulations. Results are shown in Fig. 5.6. In the upper panels we show the Pop. III

(left) and Pop. II (right) SFRD from meraxes output (black line) and from each realiza-

tion using the method outlined above (cyan shaded lines). In the lower panels we show

the ratio between the average of the 20 realizations and the true SFRD from meraxes.

All the realizations are in reasonable agreement with the data and the ratio is always

lower than ∼ 10% for both populations. This demonstrates the validity of the method

outlined above.

The main advantage of this method is that it allows estimation of the SFRD frommini-

halos in a simulation where these are not directly resolved. Parametrizing SFRD with a

Gaussian distribution enables us to account for stochastic star formation (different pix-

els with same δ can have different SFR), without losing the correlation with the matter

density field (SFR,σ and A all depend on δ). This method can be applied as long as the

density field from both the low and the high resolution simulation share the same prop-

erties (mean, standard deviation) and it can be calibrated for any choice of parameters.
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Figure 5.7: SFRDMC,III vs z from the L10 (solid) and L210 (dotted) box for two different
Pop. III star formation models (see more details in text and Table 5.4).

5.3.2. Applying scaling relations to the L210 box

We can now apply the methodology outlined in the previous section to the L210 box

that can only resolve the atomic cooling halos by reading the density field and applying

Φ(log10(SFRMC)) calibrated on different models. In Fig. 5.7 the mini-halo contribution

to the Pop. III SFRD shows a good agreement between the two different simulations.

We highlight that our scaling relations do not explicitly depend on the Lyman-Werner

background (except for the regions that are strongly irradiated by LW flux for which

Φ(log10(SFRMC)) = 0). This implicitly assumes that both the L10 and L210 box have

similar LW backgrounds. We verify this assumption by computing the average LW back-

ground and LW maps in both simulations (See Fig. 5.8 ). In the bottom right panel we

show the redshift evolution of the LW background (in units of 10−21 erg s−1 cm−2 Hz−1

sr−1) in the L10 (black line) and in the L210 box (red line). The two lines share similar

trends showing that both simulations have a similar average LW background. The left

and top right panels show the 2D projections of the LW field in the large and small box.

These maps illustrate that the LW background is roughly uniform (as expected given

that the mean free path of LW photons is ∼ 100 Mpc). These plots demonstrate that the

LW fields in the small and large box are indeed comparable showing that the estimation

of the star formation in mini-halos with the scaling relations accounts for the radiative
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Figure 5.8: Left panel shows the 2D projections of the LW background (units of 10−21 erg
s−1 cm−2 Hz−1 sr−1 in the L210 box at z = 15. Top right panel shows the same map but
in the L10 simulation. Bottom right panel shows the redshift evolution of the average
LW background (same units as above) in both the L10 (black line) and L210 (red line)
simulation.

feedback‡.

Differently from what has been done by Hazlett et al. (2024) who calibrated a semi-

analytical model to the Reinassance simulation in order to account for Pop. III star forma-

tion by adding the previous star formation history to each atomic cooling galaxy resolved

in the simulation, the methodology described in this section allows us to estimate only

the total SFRD occurring in mini-halos within a certain pixel of the simulation. We also

highlight that, a similar work was also performed by Feathers et al. (2025) using a neural

network and investigating the impact of streaming velocity and LW background. In this

work we focus on three models of Pop. III star formation by varying three main param-

eters: the star formation efficiency, the IMF and the specific Pop. III X-ray luminosity

per unit star formation while all the other free parameters (e.g. the escape fraction) are

fixed at the fiducial value (see Tables 5.1 and 5.2). We chose to focus only on these three

parameters since these have the strongest impact on both the evolution of the Pop. III
‡In this discussion we neglected the UV photo-ionizing feedback. This is justified by the fact that this

effect impacts more the low-mass atomic cooling halos at z ≲ 10 rather than mini-halos.
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Table 5.4: Pop. III model parameters.

Label IMF type⋆ αSF,III LX<2keV,II/SFR
Weak Pop. III Salpeter 0.008 3× 1040

Moderate Pop. III Salpeter 0.008 3× 1041

Extreme Pop. III logE 0.08 3× 1042

High SFE Salpeter 0.08 3× 1040

LogE logE 0.008 3× 1040

⋆see Table 3.2 for the details

SFRD and the amount of UV and X-ray photons emitted. The values chosen for the

specific Pop. III X-ray luminosity per unit star formation are similar to those found in

Sartorio et al. (2023) for the different IMFs explored in their work. Hereafter, we ana-

lyze three different Pop. III models designed to have the minimum, intermediate and

maximum impact from Pop. III star formation in mini-halos, each model is summarized

in Table 5.4. The IMFs considered in this model are a Salpeter between 1 and 500 solar

masses and a log-Normal IMF centered at 60 M⊙ (see 3.3 for more details). We highlight

that in our extreme Pop. III model we enhance star formation efficiency, LX/SFR and

the top-heaviness of the IMF at the same time. Each of these parameters has a different

impact on the evolution of the 21cm signal (see 5.4.1 for a more detailed discussion of

how each Pop. III parameter changes the evolution of the 21cm global signal and power

spectrum).

5.4. Impact of Pop. III star formation on 21cm physics

We can now estimate how different Pop. III star formation models in meraxes affect

the 21cm signal. We started by verifying that, after introducing the additional Pop. III

contribution to the fiducial Pop. II only model (Balu et al. 2023a) we still obtain reioniza-

tion histories consistent with the observational constraints on the Thomson scattering

optical depth τe (Fig. 5.9) and x̄HI (Fig. 5.10). The reionization histories from the models

with Pop. III stars are only slightly modified and this negligible contribution comes from

the secondary ionizations from X-rays. This is expected given that at z ≤ 15 the Pop. III

SFRD is at least one order of magnitude lower than Pop. II and their main contribution

is expected from the X-ray emission rather than the UV.
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Figure 5.10: Constraints on the reionisation history (neutral hydrogen fraction vs z) for
model with weak (grey), moderate (cyan), extreme (red) Pop. III and Balu et al. (2023a)
(black). The observational data are from analyses of dark pixels (McGreer et al. 2015;
Jin et al. 2023), damping-wing absorption in quasar spectra (Bañados et al. 2018; Davies
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Figure 5.11: Effect of Pop. III star formation on the 21cm global signal (δTb vs z). Pop.
III models with small X-ray heating cause a stronger absorption at earlier times, while
having a stronger Pop. III X-ray heating causes the signal to be seen in emission earlier.
Color coding as in the previous figures. Brown and yellow dashed lines are taken from
Gessey-Jones et al. (2025) for a Salpeter (Sal) and flat (Int-0) IMF.

We compute the sky-averaged 21cm global signal (see Fig. 5.11) without (black line)

and with (grey, cyan and red line for weak, moderate and extreme Pop. III respectively)

Pop. III star formation. As expected, introducing a Pop. III population with the same X-

ray properties as Pop. II ones (i.e. weak Pop. III), simply shifts the absorption through to

earlier epochs in virtue of the stronger coupling at higher-z (see also Ventura et al. 2023;

Hegde & Furlanetto 2023). However, if Pop. III stars have a stronger X-ray emission

(i.e. moderate and extreme models) as suggested by Sartorio et al. (2023), the absorption

signal is quickly suppressed turning into an emission signal as early as z ∼ 18 for the

extreme Pop. III model and at z ∼ 13 for the moderate Pop. III one. We note that a

similar result has been found by a contemporaneous work by Gessey-Jones et al. (2025)

who found an analogous variation in the timing (∆z ∼ 3) and depth (∆δTb ∼ 50 mK)

of the absorption trough when considering a stronger X-ray contribution from Pop. III

stars (in their model the LX/SFR is self-consistently modeled from the IMF so that the

difference between their Int-0 and Sal model is of 2 orders of magnitudes.)

As shown in Fig. 5.12 earlier coupling and heating from Pop. III impacts the 21cm

power spectrum both at the large and small scales. The models considered here produce

21cm signals that are different not only during the coupling and heating epoch (z ∼

10 − 20), but also at lower redshift when the reionization is in progress. The impact is

125



510152025
z

10 2

10 1

100

101

102

103

2 (k
) (

m
K

2 )

k 0.1 Mpc 1

510152025
z

k 0.9 Mpc 1

Munoz+22, high X Munoz+22, low X Weak Moderate Extreme No Pop. III

Figure 5.12: Effect of Pop. III star formation on the 21cm power spectrum (∆21 vs z) at
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figures. Brown and yellow dashed lines are taken from Muñoz et al. (2022) for k = 0.23
Mpc−1 assuming a weak and strong X-ray luminosity per unit of Pop. III SFR (bottom
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stronger at smaller scales where models with a stronger heating exhibit a larger power

spectrum at z ∼ 7− 10. This is of crucial importance as current and upcoming facilities

are improving their observations at z ≤ 10 (see more discussion in Section 5.5).

We compare our results with the ones inMuñoz et al. (2022) who studied how different

Pop. III parameters impact the 21cm signal using 21cmFast. In the left panel of Fig. 5.12

the yellow and brown dashed lines are obtained by changing the specific Pop. III X-ray

luminosity by a factor of 9. The global trends are similar with our models with stronger

Pop. III X-ray emission (dashed yellow line and red/cyan lines) showing an earlier and

weaker first peak compared to low X-ray models (dashed brown and grey lines). In their

model, different Pop. III X-ray properties strongly impact the position and amplitude also

of the second peak. In our models instead, the position of the second peak is only slightly

anticipated in the strong X-ray models. This difference is likely due to the fact that our

second peak occurs at much lower redshift (z ∼ 10) when most of the emission comes

from Pop. II stars. Finally, differently fromMuñoz et al. (2022) at z ∼ 10 simulations with

a stronger Pop. III X-ray heating have a significantly larger power spectrum compared

to weak X-ray models (a similar result has been found also by Gessey-Jones et al. 2025).
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This analysis shows that Pop. III star formation not only impacts the 21cm global

signal during the cosmic dawn as previously assessed (e.g. Qin et al., 2020; Gessey-Jones

et al., 2022; Ventura et al., 2023; Hegde & Furlanetto, 2023; Cruz et al., 2024a) but also

that an early (z ≥ 15) heating of the IGM provided by this population leaves a strong

signature on the power spectrum during the EoR (z ≤ 10). The impact on the power

spectrum is stronger for models that have a large Pop. III X-ray emissivity (i.e. moderate

and extreme Pop. III models) while models with a milder X-ray emission (i.e. weak

Pop. III) have a stronger effect on the global signal. Ultimately, this tells us that the

power spectrum during the EoR can be used to disentangle different heating models

and potentially constrain the properties of Pop. III stars. We highlight that here we

considered only the X-ray emission from stellar remnants. While there might be other

sources that significantly heat the IGM at z ≥ 15 (see discussion at end of Section 5.2.3),

the other effects are likely to be either subdominant, still related to Pop. III stars (e.g.

cosmic rays) or dominant only at the dark-ages (e.g. dark matter annihilation).

Finally, we note that in this work we did not include the effect of the X-ray feedback

on Pop. III star formation. As noted by Ricotti (2016); Park et al. (2021), X-rays have

both a positive and negative effect on Pop. III star formation as they heat the gas and

increase the electron fraction. The heating makes gas accretion more difficult (hence

delaying star formation) and free electrons promote the formation of H2 making the

molecular cooling more efficient. In presence of a strong X-ray background this latter

effect is dominant at 10 ≲ z ≲ 20 (see e.g. Fig. 9 in Hegde & Furlanetto 2023). Hence,

including the X-ray feedback would likely increase the Pop. III SFRD making the impact

of Pop. III stars even stronger than what predicted here especially for the moderate and

extreme models.

5.4.1. Impact of Pop. III star formation efficiency and IMF

While the 21cm power spectrum at z ≲ 10 is mostly sensitive to the amount of X-ray

photons from Pop. III remnants, changing the star formation efficiency and the shape of

the IMF impacts the 21cm signal evolution during the coupling and heating epochs. In

Fig. 5.13 and 5.14 we show the evolution of the 21cm global signal and power spectrum

for the No Pop. III model (black line), Weak (grey line), Moderate (cyan line), high SFE
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Figure 5.13: As Fig. 5.11 but showing also the High SFE (grey dashed line) and the LogE
(red dashed line) models.

(dashed grey line) and LogE (dashed red line) models. Compared to the Weak Pop. III

model, increasing the Pop. III star formation efficiency, increases both the amount of

Lyman-α and X-ray photons (they are both linked to SFR), hence the absorption trough

shifts towards higher-z (∆z ∼ 1). Considering instead a top-heavy IMF, increases just the

amount of Lyman-α photons hence the absorption trough becomes significantly deeper

while still being at the same redshift compared to the weak Pop. III model. We note

that this result is a consequence of the fact that we are considering the LX/SFR and the

shape of the IMF as two independent parameters. If, as shown in Sartorio et al. (2023),

the X-ray emissivity is linked to the shape of the IMF, the LogE model is not realistic as

we would need to enhance the X-ray emissivity as well.

We highlight that both the star formation efficiency and the shape of the IMF alone

do not significantly affect neither the 21cm global signal nor the power spectrum at

z ≲ 12 so a future 21cm detection with SKA-low likely will not help to constrain these

parameters if they are not linked to a significantly stronger X-ray emissivity.

5.5. Observability with SKA

In the previous section we showed that an early heating of the IGM significantly affects

the 21cm power spectrum during the EoR. Now we want to investigate how our models

compare with the currently available upper limits and whether their differences will be
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observable with SKA. In this section we consider the power spectrum at z ≤ 10 as the

current and upcoming interferometers are significantly less sensitive at higher redshift.

To better appreciate this, in Fig. 5.15 we show the power spectrum noise (mK2) with

SKA as a function of redshift at k ∼ 0.2 and 0.9 cMpc−1 assuming a 1000 hours (solid

lines) and 180 hours (dashed lines) observations with SKA. At higher redshift the noise

steadily increases and already at z ≥ 10 the noise is of the order of 10s to 100s mK2 with

1000 hours observation.

Firstly, we compare our predictions with current upper limits from a number of facil-

ities including MWA, LOFAR, GMRT, PAPER and HERA (we focus at z = 7− 10 where

most of the measurements have been taken). In Fig. 5.16 we show the 21cm power spec-

trum at z = 10, 9, 8 and 7 for all the four models together with the available upper limits

(see label). All our models are below these upper limits. However, the moderate and

extreme Pop. III models are closer to the current HERA constraints at z = 8 suggesting

that soon these models can be either detected or ruled out. In our model the main effect

of different Pop. III models is to change the timing and amplitude of the peaks in the

21cm power spectrum rather than introducing a specific feature. We note that we did

not account for spatial variations in the velocity acoustic oscillations (see Section 5.2.1)
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Figure 5.15: 21cm power spectrum sensitivity as a function of redshift k ∼ 0.2 (black
line) and 0.9 cMpc−1 (orange line) assuming a 1000 (solid lines) and 180 hours (dashed
lines) observation with SKA.

which would introduce wiggles in the ∆2
21 at scales k ∼ 0.1 Mpc−1 (Cruz et al. 2024a).

While this effect can be important when focusing on the 21cm power spectrum during

the coupling and heating epochs, these fluctuations are quickly washed out at z ≲ 13

(see Fig. 13 and Section 6C in Cruz et al. 2024a).

We next consider the upcoming SKA. In order to estimate the observability of the four

models analyzed so far, we perform a similar analysis as in Balu et al. (2023b) that we

briefly summarize hereafter. The sensitivity of a radio interferometer is mostly regu-

lated by the thermal noise (∆N) and the cosmic variance with the former dominating

the noise at small scales and the latter at large scales. The thermal noise is related to

the bandwidths of the instrument, beam factor (see Parsons et al. 2014), the integration

time of the mode k and the temperature of the system (given as the sum of the sky and

receiver temperature) (Morales 2005; McQuinn et al. 2006; Parsons et al. 2012). We can

hence write the total noise by summing these two components:

[
1

σ [∆2
21(k)]

]2

= Σi

(
1

∆2
N +∆2

21

)2

. (5.8)

By doing so, we are effectively assuming that the errors are Gaussian distributed, which

is reasonable for the relevant scales in this work (Qin et al. 2021a; Prelogović &Mesinger

2023). Finally, a 21cm detection is heavily limited by the ability of removing the fore-
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Figure 5.16: 21cm power spectrum at z = 10, 9, 8 and 7 as a function of k for different Pop.
III star formation models. Color coding as in the previous figures. We show also current
upper limits from PAPER at z = 9.9,8.7,8.4,8.1,7.5 (Kolopanis et al. 2019), LOFAR at
z = 10.1,9.1,8.3 (Mertens et al. 2020, 2025), MWA at z = 8.7,8.2,7.8(Trott et al. 2020),
GMRT at z = 8.6 (Paciga et al. 2013) and HERA (HERA Collaboration et al. 2023) at
z = 10,8.

131



grounds. We used the python package 21cmsense§ (Pober et al. 2013, 2014) which, given

the specifics of an interferometer, a mock 21cm power spectrum and an observational

campaign, computes the interferometer sensitivity to the 21cm power spectrum under

different assumptions of foreground removals. We used the assumption ’moderate’ fore-

ground removals and we focused on the first phase of SKA (i.e. SKA1-low), in partic-

ular we included the stations in the ’Central Area’ of the SKA1-low¶, resulting in 296

stations of diameter 35m distributed across a circular area with 1.7 km diameter. We

assumed two different observational campaigns: one of 180 hours (six hours per night

for 30 days) and another of 1080 hours (six hours per night for 180 days). Additionally,

we avoid the modes that are contained within the foreground wedge (Datta et al. 2010)

so that effectively we are limited to kmin = 0.16 Mpc−1 for our analysis and kmax = 1.4

Mpc−1 (the latter arises from a combination of the spatial scales that are probed by the

SKA1-low and the shot noise from our simulation).

To quantify the detectability of a Pop. III model we compute by how many sigma its

power spectrum differs from the one arising from the No Pop. III model:

Di(k) =
∆2

21,i(k)−∆2
21,0(k)√

σ2[∆2
21,i(k)] + σ2[∆2

21,0(k)]
, (5.9)

where the subscript i refers to the Pop. III model considered and 0 to the No Pop. III

model. To detect a Pop. III model the difference between its power spectrum and the

No Pop. III one needs to be at least of 1σ otherwise the model is not detectable. In

Fig. 5.17 we show the evolution in redshift of this quantity at k ∼ 0.2 (upper panel) and

k ∼ 0.9 Mpc−1 (lower panel) for each Pop. III model and assuming 1080 (solid lines) and

180 (dashed lines) observation hours. The weak Pop. III model (grey line) is different

from the No Pop. III one by less than 1σ both at the small and large scales even with

an observation of 1080 hours. The moderate Pop. III model is several σ away from

the No Pop. III model at 7 ≲ z ≲ 10 both at the small and large scales with a 1080

hours observation while with a 180 hours the model is detectable only at the large scales

where the difference is between 1 and 2 σ . The extreme Pop. III model is the one with
§https://github.com/rasg-affiliates/21cmSense
¶See the official SKA1 System Baseline Design document in https://www.skao.int/en for further

details
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Figure 5.17: Detectability (see Eq. 5.9) vs z for each Pop. III model (color coding as in the
previous figures) at k ∼ 0.2 (upper panel) and 1.0 Mpc−1 (lower panel). Solid (dashed)
lines assume a 1080 (180) hours observation with SKA1-low.
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Figure 5.18: The black, grey, red and cyan curves show the 21cm power spectrum from
all the models in Table 5.4. The shaded region of the correspondent color represents the
sensitivity (including both thermal and cosmic variance noise) to the associated 21cm
power spectrum for a 180 hours observation with the upcoming SKA1-low with the
’moderate’ foreground removal case. We ignore (green shaded regions) all the k-modes
falling within the 21cm foreground wedge (see text for further details).

the largest difference from the No Pop. III model being potentially detectable at both

large and small scales even with a 180 hours observations.

Finally, we highlight the differences between each Pop. III model by showing their

power spectrum noise (shaded regions) assuming 180 and 1080 hours of observations in

Fig. 5.18 and 5.19. Models with stronger X-ray contribution (red and cyan lines) have a

power spectrum that differs from the models with no or mild Pop. III contribution (dark

and light grey regions) by more than the observational uncertainty. The 1σ region of

its power spectrum (pink shaded region) is above the models with no or mild Pop. III

contribution at z = 7 and 8 for all the k-modes, at z = 9 at k ≲ 0.7 Mpc−1 and at z = 10

only at the largest scales considered (k ≲ 0.4 Mpc−1). With only 180 hours observations

however, it is not possible to clearly distinguish between the intermediate and extreme

134



100

101

102

103
2 21

 (m
K

2 )

z = 10.00 z = 9.00

10 1 100

k (Mpc 1)

z = 8.00

10 1 100

k (Mpc 1)

100

101

102

103

2 21
 (m

K
2 )

z = 7.00

10 1 100

k (Mpc 1)

z = 6.00

Weak 21cm PS
Moderate
Extreme
No Pop. III
Ignored k-modes

Figure 5.19: Same as Fig. 5.18 but assuming 1080 hours observation.

Pop. III model (blue an pink shaded regions). At z = 6 it is not possible to distinguish

any of these models since at this redshift the power spectrum is mostly determined by

the ionization state of the IGM which is identical for all the four models considered.

The sensitivity greatly improves for an observational campaign of 1000 hours (Fig.

5.19). In this case, models accounting for Pop. III early heating which is stronger than

Pop. II are clearly distinguishable from models with no or mild Pop. III contribution.

At z = 10, 9 and 8, it is even possible to distinguish between intermediate and extreme

Pop. III models at all scales within kmin and kmax, indicating that SKA observations of

the 21cm power spectrum during the EoR are sensitive to the IGM heating occurred

at z ≥ 15. At z = 7, the difference between the various models are less evident but

intermediate and extreme Pop. III models still fall outside the uncertainty regions of

weak Pop. III and No Pop. III. This indicates that models with a harder Pop. III X-ray

emission can be disentangled from models with no or mild Pop. III X-ray emission even

at z = 7. Also Gessey-Jones et al. (2025) focused on the possibility of detecting difference
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Pop. III models using 21cm observations. In their analysis they included both REACH

(sensitive to the 21cm global signal) and SKA-Low confirming that an observation of

∼ 3000 hours with SKA-Low can constrain the Pop. III IMF due to their difference in

the X-ray heating. Finally, we highlight that the impact of Pop. III stars is visible on

the power spectrum as long as their X-ray contribution is boosted compared to Pop. II.

The differences between the weak Pop. III and the No Pop. III scenario are so small

they will not be visible even with 1000 SKA hours. This demonstrates that an upcoming

21cm power spectrum detection will shed light on the properties of the first sources

establishing their contribution to the heating of the IGM.

5.6. Conclusions

In this work we investigated how the early (z ≥ 15) heating of the IGM due to Pop. III

stars impacts the 21cm power spectrum during the EoR (z ≤ 10) which will be observ-

able by the SKA. We developed a framework of scaling relations between Pop. III star

formation rate in mini-halos and the density field within the semi-analytical model mer-

axes that allows us to account for the radiative contribution of mini-halos that cannot

be directly resolved in a large (L = 210 h−1 cMpc) cosmological simulation. The scal-

ing relations are calibrated on a smaller and higher resolution simulation able to resolve

all the mini-halos. We then investigated three Pop. III models each with different IMF,

star formation efficiency and specific X-ray luminosity. This formalism is both based on

realistic galaxy population and it provides an accurate estimation of the Pop. III back-

grounds yielding a computation of the ionization and thermal state of the IGM which is

crucial to obtain a reliable estimation of the 21cm signal and power spectrum during the

EoR ( z ≲ 10). The key results can be summarized as follows:

1. The inclusion of Pop. III stars does not significantly change the EoR history as

their main contribution comes from the secondary ionizations from their X-ray

emission. As a result, all the models that we considered give reionization histories

consistent with the latest constraints on the neutral hydrogen fraction and the

Thomson scattering optical depth.
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2. As previously known, the evolution of the 21cm global signal during the Cosmic

Dawn is significantly impacted by Pop. III stars. In a model where Pop. III and Pop.

II have the same X-ray specific luminosity (weak Pop. III) the absorption through

of the 21cm global signal is slightly deeper and occurs at higher-z. If instead Pop.

III stars have a larger LX / SFR, the signal is seen in emission at higher-z (z ∼ 14

for the intermediate Pop. III model and z ∼ 18 for the extreme Pop. III model).

3. The heating from Pop. III stars significantly increases the 21cm power spectrum

during the EoR both at large and small scales. This is more evident for models

with an increased specific X-ray luminosity where the difference can be of more

than a factor of 4 at z ≳ 7. This shows that the 21cm power spectrum during the

EoR is sensitive to the heating occurred at much higher redshift.

4. Focusing on a possible future detection of the 21cm power spectrum, we estimated

the observational uncertainty of eachmodel using the python package 21cmsense

assuming an observational campaign with SKA1-low of 180 and 1080 hours re-

spectively. We found that 180 hours are not enough to distinguish different Pop.

III models but they already can confirm/exclude the presence of a stronger heat-

ing from Pop. III stars at high-z since their power spectra differs by more than 1σ

from the No Pop. III model. However, using ∼ 1000 hours of SKA, models with a

stronger Pop. III contribution (stronger X-ray emission and/or higher Pop. III star

formation efficiency) become clearly distinguishable at z ≳ 7. The power spectrum

towards the end of the EoR (z ≲ 6) does not distinguish Pop. III models.
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CHAPTER 6

Conclusions

Grazie per gli applausi ma ho scelto l’amore

Questa è la mia vita non dimenticarlo.

Caparezza - La Scelta (2021)

In this thesis I presented a new SAMof galaxy formation and reionization that includes

Pop. III star formation and mini-halo physics. Within this model, I have implemented

key astrophysical processes such as molecular cooling, LW background, baryon-dark

matter streaming velocity, H2 self-shielding and metal evolution of the IGM in a high-

resolution, small (L = 10h−1 cMpc) simulation. Following the IGM chemical evolution is

essential for understanding how galaxies acquire metals. Most of the galaxies are self-

enriched by their own star formation as a large fraction of the IGM remains pristine

until z ∼ 10. However, during the EoR, metal bubbles can grow to sizes of ∼ 200 ckpc,

reaching and contaminating low-mass halos (M ≲ 108 M⊙) that otherwise would not get

any metals since their star formation is suppressed by photo-ionizing feedback. This has

interesting implications for the expected metallicity of DLAs systems at z ∼ 6 such as

the one analysed in Sodini et al. (2024).

This model allowed me to demonstrate that the main parameters that determine the

evolution of Pop. III SFRD and the properties of Pop. III star clusters are the IMF, star
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formation efficiency and the critical metallicity. The former one is particularly important

to determine the luminosity associated with these systems. For a very top-heavy IMF

(log-normal centered at 60 M⊙) and for a star formation efficiency similar to the Pop. II

one, Pop. III systems of ∼ 105 M⊙ reach UV absolute magnitudes of ∼ −18 at z ∼ 16.

Despite the caveat of having a small simulation box, this result supports the idea that

JWST’s unusually bright high-redshift galaxies could be explained by a top-heavy IMF

that boosts the light-to-mass ratio at z ≳ 12. By z ∼ 12, Pop. III galaxies are largely

subdominant and all the brightest galaxies are Pop. II so the model still matches the

observed UV luminosity function at z ≲ 12.

Based on this new SAM, I then developed a framework that allows to estimate the Pop.

III star formation in mini-halos within a large simulation box (L = 210 h−1 cMpc) that re-

solve only halos above the atomic cooling threshold. This algorithm is based on building

scaling relations between the Pop. III SFR and the dark matter density field. With this

model I then computed the 21cm global signal and evolution for different Pop. III mod-

els. While metal-free stars primarily influence the sky-averaged signal at z ≳ 15, their

imprint on the power spectrum remains detectable down to z ∼ 7. Using 21cmsense I

estimated the 1σ error associated to each power spectrum assuming an observational

campaign with SKA-low. With ∼ 1000 hours, it is possible to distinguish different mod-

els that include Pop. III star formation, provided that their X-ray contribution is at least

one order of magnitude higher than the Pop. II one. This demonstrates that a future

21cm detection with SKA-low (or even a non-detection) will place valuable constraints

on the nature of the first stars.

6.1. What’s next?

It is truly an exciting time to study the nature of the first stars and galaxies. In the

first three years of JWST, we are approaching with big steps the first detection of Pop.

III stars. It is now evident that numerical simulations are crucial to understand and

interpret JWST observations and need to be updated in order to take into account the

complex physics of the high-z Universe. In this sense, I am now updating meraxes in

order to follow different phases of the gas disk. This will be used to investigate the late
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Pop. III star formation episodes occuring in metal-free pockets at z ∼ 6 − 10. This will

allow an accurate estimation of the observability of Pop. III stars during the EoR and

to understand their origin. Ultimately this will shed light on the Pop. III candidates

observed so far.

Evenmore informationwill be gathered in the next few years after SKAwill finally see

its first light. At the time of writing, this radio facility is being built in Western Australia

and it is expected to improve the sensitive of one order of magnitude compared to the

current state-of-the-art radio interferometers. While we are (hopefully) approaching

the first 21cm detection, it is necessary to understand the unique features in the 21cm

signal arising from different astrophysical processes. Even if this thesis has contributed

to assess the impact of the first stars, other processes are still widely unconstrained.

With meraxes I am now exploring how the burstiness in star formation that has been

observed with JWST, affects the 21cm power spectrum.

As we enter the era of precision 21cm cosmology, the combined power of theory and

observation brings us closer than ever to unveiling the elusive first stars and their imprint

on the cosmic dawn. Hopefully this thesis has taken a small but meaningful step toward

this direction.
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